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Electromagnetic radiation Gravitational radiation 

A new window on the Universe
• Almost everything we know about the Universe comes through photons. 
• Gravitational-waves are a fundamentally new way! 
• Serendipitous discoveries came with new electromagnetic bands 

(X-ray binaries, gamma-ray bursts, pulsars, CMB…)

• Charges 
• Strongly coupled: easy to detect, 

but also easily scattered

• Cumulative mass and momentum distribution 
• Very weakly coupled: hard to detect,         

but travel unaffected!



Ripples in the fabric of spacetime

10 A. Buonanno

Summarizing, the Lorenz gauge imposes 4 conditions that allow to reduce the
10 independent components of the 4 × 4 symmetric tensor hµν to 6 independent
components. Note that we also have the condition ∂µT µν = 0, which is the
conservation of the energy-momentum tensor of the matter in linearized theory.
By contrast in the full theory T µν

;ν = 0.

2.3. Transverse-traceless gauge

We want to study the propagation of GWs once they have been generated. We
set Tµν = 0 in Eq. (2.24) and obtain the wave equation in vacuum

✷hµν = 0 . (2.25)

GWs propagate at the speed of light. Within the Lorenz gauge we can always
consider coordinate transformations such that ✷ξµ = 0. The trace-reverse tensor
transforms as h′

µν = hµν + ξµν with ξµν = ηµν ∂ρξρ − ξµ,ν − ξν,µ. Using
✷ξµν = 0, we can subtract 4 of the 6 components of hµν . More specifically, we
can choose ξ0 such that h = 0 and ξi such that hi0 = 0, thus ∂0h00 = 0. The
GW being a time-dependent field, we can set h00 = 0. We denote the field hij

which satisfies the following transverse and traceless gauge conditions,

h00 = 0 , h0i = 0 , ∂ih
ij = 0 , hii = 0 , (2.26)

the transverse-traceless tensor hTT
ij . Note that for a single plane wave with wave

vector k and propagation direction n = k/k, the transversality condition reduces
to ni hTT

ij = 0. Without loosing in generality, we can assume that the plane wave
propagates along the z-axis, thus

hTT
ij (t, z) =

⎛

⎝
h+ h× 0
h× −h+ 0
0 0 0

⎞

⎠ cos
[
ω

(
t − z

c

)]
, (2.27)

where we indicate with h+ and h× the two independent polarization states. Fol-
lowing [31, 35], we can introduce the projector operator Pij(n) = δij − ni nj ,
which satisfies the conditions

Pij = Pji , ni Pij = 0 , Pij P jk = P k
i , Pii = 2 , (2.28)

and the Λ-operator

Λij kl(n) = Pik Pjl −
1

2
Pij Pkl , (2.29)

and obtain the TT field for a generic propagation direction

hTT
ij = Λij,kl hkl , (2.30)Equivalence principle: measure tidal forces

Physics, Astrophysics and Cosmology with Gravitational Waves 13

localize the source by a factor of 1/SNR better than this.
For long-lived sources, however, a single antenna synthesizes many antennas by observing the

source at di↵erent points along its orbit around the sun. The baseline for such observations is 2 AU,
so that, for a source emitting radiation at 1 kHz, the resolution is as good as �✓ = 10�6 rad, which
is smaller than an arcsecond.

For space-based detectors orbiting the sun, like LISA, the baseline is again 2 AU, but the
observing frequency is some five or six orders of magnitude lower, so the basic resolution is only of
order 1 radian. However, as we shall see later, some of the sources that a space-based detector will
observe have huge amplitude SNRs in the range of SNR ⇠ 103 – 104, which improves the resolution
to arcminute accuracies in the best cases.

2.4 Amplitude of gravitational waves – the quadrupole approximation

The Einstein equations are too di�cult to solve analytically in the generic case of a strongly gravi-
tating source to compute the luminosity and amplitude of gravitational waves from an astronomical
source. We will discuss numerical solutions later; the most powerful available analytic approach is
called the post-Newtonian approximation scheme. This approximation is suited to gravitationally-
bound systems, which constitute the majority of expected sources. In this scheme [79, 169], solu-
tions are expanded in the small parameter (v/c)2, where v is the typical dynamical speed inside the
system. Because of the virial theorem, the dimensionless Newtonian gravitational potential �/c2

is of the same order, so that the expansion scheme links orders in the expanded metric with those
in the expanded source terms. The lowest-order post-Newtonian approximation for the emitted
radiation is the quadrupole formula, and it depends only on the density (⇢) and velocity fields
of the Newtonian system. If we define the spatial tensor Qjk, the second moment of the mass
distribution, by the equation

Qjk =
Z

⇢xjxk d3x, (1)

then the amplitude of the emitted gravitational wave is, at lowest order, the three-tensor

hjk =
2
r

d2Qjk

dt2
. (2)

This is to be interpreted as a linearized gravitational wave in the distant almost-flat geometry far
from the source, in a coordinate system (gauge) called the Lorentz gauge.

2.4.1 Wave amplitudes and polarization in TT-gauge

A useful specialization of the Lorentz gauge is the TT-gauge, which is a comoving coordinate
system: free particles remain at constant coordinate locations, even as their proper separations
change. To get the TT-amplitude of a wave traveling outwards from its source, project the tensor
in Equation (2) perpendicular to its direction of travel and remove the trace of the projected
tensor. The result of doing this to a symmetric tensor is to produce, in the transverse plane, a
two-dimensional matrix with only two independent elements:

hab =
✓

h+ h⇥
h⇥ �h+

◆
. (3)

This is the definition of the wave amplitudes h+ and h⇥ that are illustrated in Figure 1. These
amplitudes are referred to as the coordinates chosen for that plane. If the coordinate unit basis
vectors in this plane are êx and êy, then we can define the basis tensors

e+ = êx ⌦ êx � êy ⌦ êy, (4)
e⇥ = êx ⌦ êy + êy ⌦ êx. (5)

Living Reviews in Relativity
http://www.livingreviews.org/lrr-2009-2

Physics, Astrophysics and Cosmology with Gravitational Waves 13

localize the source by a factor of 1/SNR better than this.
For long-lived sources, however, a single antenna synthesizes many antennas by observing the

source at di↵erent points along its orbit around the sun. The baseline for such observations is 2 AU,
so that, for a source emitting radiation at 1 kHz, the resolution is as good as �✓ = 10�6 rad, which
is smaller than an arcsecond.

For space-based detectors orbiting the sun, like LISA, the baseline is again 2 AU, but the
observing frequency is some five or six orders of magnitude lower, so the basic resolution is only of
order 1 radian. However, as we shall see later, some of the sources that a space-based detector will
observe have huge amplitude SNRs in the range of SNR ⇠ 103 – 104, which improves the resolution
to arcminute accuracies in the best cases.

2.4 Amplitude of gravitational waves – the quadrupole approximation

The Einstein equations are too di�cult to solve analytically in the generic case of a strongly gravi-
tating source to compute the luminosity and amplitude of gravitational waves from an astronomical
source. We will discuss numerical solutions later; the most powerful available analytic approach is
called the post-Newtonian approximation scheme. This approximation is suited to gravitationally-
bound systems, which constitute the majority of expected sources. In this scheme [79, 169], solu-
tions are expanded in the small parameter (v/c)2, where v is the typical dynamical speed inside the
system. Because of the virial theorem, the dimensionless Newtonian gravitational potential �/c2

is of the same order, so that the expansion scheme links orders in the expanded metric with those
in the expanded source terms. The lowest-order post-Newtonian approximation for the emitted
radiation is the quadrupole formula, and it depends only on the density (⇢) and velocity fields
of the Newtonian system. If we define the spatial tensor Qjk, the second moment of the mass
distribution, by the equation

Qjk =
Z

⇢xjxk d3x, (1)

then the amplitude of the emitted gravitational wave is, at lowest order, the three-tensor

hjk =
2
r

d2Qjk

dt2
. (2)

This is to be interpreted as a linearized gravitational wave in the distant almost-flat geometry far
from the source, in a coordinate system (gauge) called the Lorentz gauge.

2.4.1 Wave amplitudes and polarization in TT-gauge

A useful specialization of the Lorentz gauge is the TT-gauge, which is a comoving coordinate
system: free particles remain at constant coordinate locations, even as their proper separations
change. To get the TT-amplitude of a wave traveling outwards from its source, project the tensor
in Equation (2) perpendicular to its direction of travel and remove the trace of the projected
tensor. The result of doing this to a symmetric tensor is to produce, in the transverse plane, a
two-dimensional matrix with only two independent elements:

hab =
✓

h+ h⇥
h⇥ �h+

◆
. (3)

This is the definition of the wave amplitudes h+ and h⇥ that are illustrated in Figure 1. These
amplitudes are referred to as the coordinates chosen for that plane. If the coordinate unit basis
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The variation of the total action S = Sg + Sm with respect to gµν gives the
Einstein equations

Gµν = Rµν −
1

2
gµν R =

8πG

c4
Tµν . (2.8)

The above equations are nonlinear equations with well posed initial value struc-
ture, i.e. they determine future values of gµν from given initial values. Since
µ = 0, · · · 3, ν = 0, · · · 3, Eq. (2.8) contains sixteen differential equations, which
reduce to ten differential equations if the symmetry of the tensors Gµν and Tµν

is used. Finally, because of the Bianchi identity we have G ;ν
µν = 0, thus the ten

differential equations reduce to six.
General relativity is invariant under the group of all possible coordinate trans-

formations
xµ → x′µ(x) , (2.9)

where x′µ is invertible, differentiable and with a differentiable inverse. Under the
above transformation, the metric transforms as

gµν(x) → g′µν(x
′) =

∂xρ

∂x′µ

∂xσ

∂x′ν
gρσ(x) . (2.10)

We assume that there exists a reference frame in which, on a sufficiently large
spacetime region, we can write

gµν = ηµν + hµν , |hµν | ≪ 1 . (2.11)

By choosing this particular reference frame, we break the invariance of general
relativity under coordinate transformations. However, a residual gauge symmetry
remains. Let us consider the following coordinate transformation

xµ → x′µ = xµ + ξµ(x) , |∂µξν | ≤ |hµν | . (2.12)

The metric transforms as

g′µν = ηµν − ∂νξµ − ∂µξν + hµν + O(∂ξ2) , (2.13)

thus, introducing
h′

µν = hµν − ξµ,ν − ξν,µ , (2.14)

we have
g′µν = ηµν + h′

µν , |h′
µν | ≪ 1 . (2.15)

In conclusion, the slowly varying coordinate transformations (2.12) are a sym-
metry of the linearized theory. Under a finite, global (x-independent) Lorentz
transformation

xµ → Λµ
ν xν , Λρµ Λσν ηρσ = ηµν , (2.16)

Gµ⌫ = 8⇡Tµ⌫ Einstein equations
…linearized

GW propagation

GW emission

Binaries are natural emitters
Binary cars?
M ⇠ 103Kg

h ⇠ 10�42

Binary black holes!

v ⇠ 0.1c
r ⇠ 100Mpc
h ⇠ 10�21

M ⇠ 10M� ⇠ 1031Kg

Mass quadrupole strain

mass

distance

velocity
measurement

detector

v ⇠ 1000Km/h
on a 1 km track

r ⇠ � ⇠ REarth

h ⇠ Mv2

r
⇠ �L

L

⇤h̄µ⌫ = 0



GW signals from BH mergers

Inspiral Merger Ringdown
• Frequency gradually 

increases during the 
inspiral 

• Merger of two BHs is 
one of the most 
energetic events in the 
Universe 

• Direct signal from  
highly-dynamic strong-
field gravity 

• BHs have no hair: final 
remnant has to dissipate 
all properties but mass 
and spin (ringdown)

post-Newtonian
numerical relativity BH perturbations



eter and lost. A mirror located between the beam splitter and the 

output port will either decrease or increase the detection bandwidth, 

depending on the reflectivity and microscopic position of the mirror. 

Signal recycling refers to a decrease in detection bandwidth and an 

increase in peak sensitivity.  Resonant sideband extraction (RSE), on 

the other hand, makes the detector more broadband at the expense 

of peak sensitivity.

Resonant sideband extraction facilitates high stored arm power with 

only minimal power recycling. This reduces power absorption of the 

beam splitter and input test masses. The narrow-band arm cavities 

then accomplish most of the power recycling, and RSE allows the de-

tection bandwidth to remain broad.

In a 1993 publication, Mizuno and coauthors warn the reader against 

confusion of RSE with signal recycling. This warning was not heeded 

when the Advanced LIGO subsystems were being named! It may come 

as a surprise to some members of the collaboration to learn that the 

technique used in Advanced LIGO is RSE, not signal recycling.  In com-

bination with each other, recycling and extraction techniques provide 

designers of gravitational wave interferometers with several indepen-

dent knobs to tune the interferometer’s optical sensitivity.

How does it Work? Signal Liberation

Gravitational wave interferometers are incredibly complicated ma-

chines with multitudes of possible configurations. The sheer number of 

parameters necessary to describe a particular configuration is daunting. 

Despite the high dimensionality of the configuration space, the peak 

strain sensitivity of the interferometer related to the optical system 

depends on just three parameters: the laser wavelength, the detection 

bandwidth of the interferometer, and the total light energy stored in 

the system. Collectively known as the Mizuno limit, these factors moti-

vate our choice of optical parameters in order to optimize the interfer-

ometer’s sensitivity to gravitational waves.  

The Fabry-Perot arms of LIGO’s interferometers consist of a partially 

transmissive input test mass (ITM) and a highly reflective end test mass. 

The arms enhance the gravitational wave signal by forcing the light to 

circulate many times before detection (see How does it work? An opti-

cal cavity, LIGO Magazine Issue 1). From the point of view of the Mizuno 

limit, a change in ITM reflectivity modifies both the amount of stored 

light energy and the detection bandwidth. However with the use of ad-

ditional partially transmissive optics at the input and output ports of 

the interferometer, it is possible to adjust the stored energy and de-

tection bandwidth independently. A power recycling mirror located 

between the beam splitter and the laser can increase the stored energy 

by recycling light that would normally be reflected by the interferom-

Nicolas Smith

32

LIGO/Virgo (for a theorist)

…4 km arms measured with the precision 
of about 1/1000 the diameter of a proton!



LIGO Lousiana LIGO Washington

VIRGO Italy

LIGO/Virgo (for real)



LIGO’s O1: an incredible story…

of the detectors, the waveforms of GW150914,
GW151226, and LVT151012 are also shown. The expected
signal-to-noise ratio (SNR) ρ of a signal, hðtÞ, can be
expressed as

ρ2 ¼
Z

∞

0

ð2j ~hðfÞj
ffiffiffi
f

p
Þ2

S nðfÞ
d lnðfÞ; ð1Þ

where ~hðfÞ is the Fourier transform of the signal. Writing it
in this form motivates the normalization of the waveform
plotted in Fig. 1, as the area between the signal and noise
curves is indicative of the SNR of the events.
The gravitational-wave signal from a BBH merger takes

the form of a chirp, increasing in frequency and amplitude
as the black holes spiral inwards. The amplitude of the
signal is maximum at the merger, after which it decays
rapidly as the final black hole rings down to equilibrium. In
the frequency domain, the amplitude decreases with fre-
quency during inspiral, as the signal spends a greater
number of cycles at lower frequencies. This is followed
by a slower falloff during merger and then a steep decrease
during the ringdown. The amplitude of GW150914 is
significantly larger than the other two events, and at the
time of the merger, the gravitational-wave signal lies well
above the noise. GW151226 has a lower amplitude but
sweeps across the whole detector’s sensitive band up to
nearly 800 Hz. The corresponding time series of the three
waveforms are plotted in the right panel of Fig. 1 to better
visualize the difference in duration within the Advanced
LIGO band: GW150914 lasts only a few cycles, while
LVT151012 and GW151226 have lower amplitudes but last
longer.
The analysis presented in this paper includes the total set

of O1 data from September 12, 2015 to January 19, 2016,

which contain a total coincident analysis time of 51.5 days
accumulated when both detectors were operating in their
normal state. As discussed in Ref. [13] with regard to the
first 16 days of O1 data, the output data of both detectors
typically contain nonstationary and non-Gaussian features,
in the form of transient noise artifacts of varying durations.
Longer duration artifacts, such as nonstationary behavior in
the interferometer noise, are not very detrimental to CBC
searches as they occur on a time scale that is much longer
than any CBC waveform. However, shorter duration
artifacts can pollute the noise background distribution of
CBC searches. Many of these artifacts have distinct
signatures [49] visible in the auxiliary data channels from
the large number of sensors used to monitor instrumental or
environmental disturbances at each observatory site [50].
When a significant noise source is identified, contaminated
data are removed from the analysis data set. After applying
this data quality process, detailed in Ref. [51], the remain-
ing coincident analysis time in O1 is 48.6 days. The
analyses search only stretches of data longer than a
minimum duration, to ensure that the detectors are operat-
ing stably. The choice is different in the two analyses and
reduces the available data to 46.1 days for the PyCBC
analysis and 48.3 days for the GstLAL analysis.

III. SEARCH RESULTS

Two different, largely independent, analyses have been
implemented to search for stellar-mass BBH signals in the
data of O1: PyCBC [2–4] and GstLAL [5–7]. Both these
analyses employ matched filtering [52–60] with waveforms
given by models based on general relativity [8,9] to search
for gravitational waves from binary neutron stars, BBHs,
and neutron star–black hole binaries. In this paper, we
focus on the results of the matched-filter search for BBHs.

FIG. 1. Left panel: Amplitude spectral density of the total strain noise of the H1 and L1 detectors,
ffiffiffiffiffiffiffiffiffi
S ðfÞ

p
, in units of strain per

ffiffiffiffiffiffi
Hz

p
,

and the recovered signals of GW150914, GW151226, and LVT151012 plotted so that the relative amplitudes can be related to the SNR
of the signal (as described in the text). Right panel: Time evolution of the recovered signals from when they enter the detectors’ sensitive
band at 30 Hz. Both figures show the 90% credible regions of the LIGO Hanford signal reconstructions from a coherent Bayesian
analysis using a nonprecessing spin waveform model [48].

B. P. ABBOTT et al. PHYS. REV. X 6, 041015 (2016)

041015-8

A few days before starting operations…

That’s 87% of a BH binary… Lower mass, many more cycle and spins!

LIGO/Virgo Collaboration

GW150914

LVT151012 GW151226



GW150914

LVT151012

GW151226

GW170104

GW170817

GW170814

Another big one…

There’s a new kid in town

Neutron stars! Gamma rays, and optical 
counterpart, and X ray later, radio still on…

GW170608
That was too much for a 
single figure…

…and not all the O2 results are announced!

LIGO/Virgo’s O2: a more incredible story…
LIGO/Virgo Collaboration



BH mass measurements
LIGO/Virgo Collaboration

following section and are consistent with our expect-
ations for an astrophysical BBH source. The inferred
component masses of LVT151012 lie roughly between
the masses of GW150914 and GW151226, as shown
in Fig. 4.

IV. SOURCE PROPERTIES

In this section, we present the inferred properties of the
sources of GW150914, LVT151012, and GW151226,
assuming that the signals each originate from a binary
coalescence as described by general relativity. Tests of the
consistency of the signal with the predictions of general
relativity are presented in Sec. V. Full results for
GW150914 have been provided in Refs. [39,40], and
key results for LVT151012 have been given in
Ref. [44]. Here, we give results based upon an updated
calibration of the data. The analyses of all three signals

closely mirror the original analysis of GW150914, as
detailed in Ref. [39] and described in Appendix B.
The analysis makes use of two waveform models, the

double aligned spin waveform model (EOBNR) [8,9] and
an effective precessing spin model (IMRPhenom) [36–38].
Results from the two waveforms are similar, and the data
give us little reason to prefer one model over the other. We
therefore average the posterior distributions from two
waveforms for our overall results. These are used for the
discussion below, except in Sec. IV B, where we also
consider measurements of spin alignment from the pre-
cessing IMRPhenom waveform.
The results match our expectations for a coherent

signal in both detectors and give us no reason to suspect
that any of the signals are not of astrophysical origin. All
three signals are consistent with originating from BBHs.
Key parameters for the three events are included in
Table I and plotted in Figs. 4,5, and 6. Detailed results
are provided in Table IV in Appendix B.

FIG. 4. Posterior probability densities of the masses, spins, and distance to the three events GW150914, LVT151012, and GW151226.
For the two-dimensional distributions, the contours show 50% and 90% credible regions. Top left panel: Component massesmsource

1 and
msource

2 for the three events. We use the convention that msource
1 ≥ msource

2 , which produces the sharp cut in the two-dimensional
distribution. For GW151226 and LVT151012, the contours follow lines of constant chirp mass (Msource ¼ 8.9þ0.3

−0.3M⊙ and
Msource ¼ 15:1þ1.4

−1.1M⊙, respectively). In all three cases, both masses are consistent with being black holes. Top right panel: The
mass and dimensionless spin magnitude of the final black holes. Bottom left panel: The effective spin and mass ratios of the binary
components. Bottom right panel: The luminosity distance to the three events.

B. P. ABBOTT et al. PHYS. REV. X 6, 041015 (2016)

041015-12

• Low mass: many orbits; 
chirp mass: 

• High mass: mainly merger; 
total mass: 

Mtot = m1 +m2

Another 
population? 
Just the tip of 
the iceberg!



Spin in the waveform
M. Favata

P. Schmidt 

• Different merger frequency 
(analog of the ISCO) 

• Aligned spins take longer 
to merge

• spin precession; orbital plane precession 

• Peculiar waveform modulations

Aligned components 
of the spins

Orbital-plane components 
of the spins



• Best measured quantity: effective spin 

• Constant of motion at 2PN 
• Careful with that prior…

Spin measurements
LIGO/Virgo Collaboration

�e↵ =

✓
S1

m1
+

S2

m2

◆
L̂

M

two. The inferred component masses are shown in Fig. 2.
The formof the two-dimensional distribution is guidedby the
combination of constraints on M and M. The binary was
composed of two black holeswithmasses m 1 ¼ 31.2þ8.4

−6.0M⊙
and m 2 ¼ 19.4þ5.3

−5.9M⊙; these merged into a final black hole
of mass 48.7þ5.7

−4.6M⊙. This binary ranks second, behind
GW150914’s source [5,37], as themost massive stellar-mass
binary black hole system observed to date.
The black hole spins play a subdominant role in the

orbital evolution of the binary, and are more difficult to
determine. The orientations of the spins evolve due to
precession [62,63], and we report results at a point in the
inspiral corresponding to a gravitational-wave frequency of
20 Hz [37]. The effective inspiral spin parameter χeff ¼
ðm 1a1 cos θLS1 þ m 2a2 cos θLS2Þ=M is the most important
spin combination for setting the properties of the inspiral
[64–66] and remains important through to merger [67–71];
it is approximately constant throughout the orbital evolu-
tion [72,73]. Here θLSi ¼ cos−1ðL̂ · ŜiÞ is the tilt angle
between the spin Si and the orbital angular momentum L,
which ranges from 0° (spin aligned with orbital angular
momentum) to 180° (spin antialigned); ai ¼ jcSi=Gm 2

i j is
the (dimensionless) spin magnitude, which ranges from 0 to
1, and i ¼ 1 for the primary black hole and i ¼ 2 for the
secondary. We use the Newtonian angular momentum for
L, such that it is normal to the orbital plane; the total orbital
angular momentum differs from this because of post-
Newtonian corrections. We infer that χeff ¼ −0.12þ0.21

−0.30 .
Similarly to GW150914 [5,37,44], χeff is close to zero with
a preference towards being negative: the probability that
χeff < 0 is 0.82. Our measurements therefore disfavor a
large total spin positively aligned with the orbital angular
momentum, but do not exclude zero spins.
The in-plane components of the spin control the amount

of precession of the orbit [62]. This may be quantified by
the effective precession spin parameter χp which ranges
from 0 (no precession) to 1 (maximal precession) [39].
Figure 3 (top) shows the posterior probability density for
χeff and χp [39]. We gain some information on χeff ,
excluding large positive values, but, as for previous events
[3,5,37], the χp posterior is dominated by the prior (see
Sec. III of the Supplemental Material [11]). No meaningful
constraints can be placed on the magnitudes of the in-plane
spin components and hence precession.
The inferred component spin magnitudes and orienta-

tions are shown in Fig. 3 (bottom). The lack of constraints
on the in-plane spin components means that we learn
almost nothing about the spin magnitudes. The secondary’s
spin is less well constrained as the less massive component
has a smaller impact on the signal. The probability that the
tilt θLSi is less than 45° is 0.04 for the primary black hole
and 0.08 for the secondary, whereas the prior probability is
0.15 for each. Considering the two spins together, the
probability that both tilt angles are less than 90° is 0.05.

FIG. 3. Top: Posterior probability density for the effective
inspiral and precession spin parameters, χeff and χp. The
one-dimensional distributions show the posteriors for the two
waveform models, their average (black), and the prior distribu-
tions (green). The dashed lines mark the 90% credible interval for
the average posterior. The two-dimensional plot shows the 50%
and 90% credible regions plotted over the posterior density
function. Bottom: Posterior probabilities for the dimensionless
component spins, cS1=ðGm 2

1Þ and cS2=ðGm 2
2Þ, relative to the

normal of the orbital plane L̂. The tilt angles are 0° for spins
aligned with the orbital angular momentum and 180° for spins
antialigned. The probabilities are marginalized over the azimuthal
angles. The pixels have equal prior probability (1.6 × 10−3);
they are spaced linearly in spin magnitudes and the cosine
of the tilt angles. Results are given at a gravitational-wave
frequency of 20 Hz.

PRL 118, 221101 (2017) P HY S I CA L R EV I EW LE T T ER S
week ending
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FIG. 3. A Mollweide projection of the posterior probability
density for the location of the source in equatorial coordinates
(right ascension is measured in hours and declination is mea-
sured in degrees). The location broadly follows an annulus
corresponding to a time delay of ⇠ 3.0+0.4

�0.5 ms between the
Hanford and Livingston observatories. We estimate that the
area of the 90% credible region is ⇠ 1200 deg2.

FIG. 4. Posterior probability density for the source luminos-
ity distance DL and the binary inclination ✓JN . The one-
dimensional distributions include the posteriors for the two
waveform models, and their average (black). The dashed lines
mark the 90% credible interval for the average posterior. The
two-dimensional plot shows the 50% and 90% credible regions
plotted over the posterior density function.

values because of the greater preference for spins with
components antialigned with the orbital angular momen-
tum.

The final calibration uncertainty is su�ciently small
to not significantly a↵ect results. To check the impact
of calibration uncertainty, we repeated the analysis using
the e↵ective-precession waveform without marginalising

FIG. 5. Posterior probability densities for the e↵ective in-
spiral spin �e↵ for GW170104, GW150914, LVT151012 and
GW151226 [13], together with the prior probability distri-
bution for GW170104. The distribution for GW170104 uses
both precessing waveform models, but, for ease of compari-
son, the others use only the e↵ective-precession model. The
prior distributions vary between events, as a consequence of
di↵erent mass ranges, but the di↵erence is negligible on the
scale plotted.

FIG. 6. Posterior probability density for the final black hole
mass Mf and spin magnitude af . The one-dimensional dis-
tributions include the posteriors for the two waveform mod-
els, and their average (black). The dashed lines mark the
90% credible interval for the average posterior. The two-
dimensional plot shows the 50% and 90% credible regions
plotted over the posterior density function.
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Racine 2008; DG+ 2015

4 SOURCE PROPERTIES 4.1 Binary Parameters

The probability that GW170608’s total mass is smaller
than GW151226’s is 0.89.

While the chirp mass is tightly constrained, spins have
a more subtle e↵ect on the GW signal. The e↵ective in-
spiral spin �e↵ , a mass-weighted combination of the spin
components (anti-)aligned with the orbital angular mo-
mentum (Racine 2008; Ajith et al. 2011), predominantly
a↵ects the inspiral rate of the binary but also influences
the merger. We infer that �e↵ = 0.07+0.23

�0.09 disfavoring
large, anti-aligned spins on both black holes.

An independent parameter estimation method com-
paring LIGO strain data to hybridized numerical rel-
ativity simulations of binary black hole systems with
non-precessing spins (Abbott et al. 2016g) yields esti-
mates of component masses and �e↵ consistent with our
model-waveform analysis.

Spin components orthogonal to the orbital angular
momentum are the source of precession (Apostolatos
et al. 1994; Kidder 1995), and may be parameterized
by a single e↵ective precession spin �p (Schmidt et al.
2015). For precessing binaries, component spin orien-
tations evolve over time; we report results evolved to
a reference GW frequency of 20Hz. The spin prior as-
sumed in this analysis is uniform in dimensionless spin
magnitudes �i ⌘ c|S|i/(Gm2

i ) with i = 1, 2 between 0
and 0.89, and isotropic in their orientation; this prior
on component spins maps to priors for the e↵ective pa-
rameters �e↵ and �p. The top panel of Figure 3 shows
the prior and posterior probability distributions of �e↵

and �p obtained for the e↵ective-precession waveform
model. While we gain some information about �e↵ , the
�p posterior is dominated by its prior, as for previous
GW events (Abbott et al. 2016b,c, 2017a), indicating
that we cannot draw any strong conclusion on the size
of spin components in the orbital plane (Vitale et al.
2017). The inferred component spin magnitudes and
orientations are shown in the bottom panel of Figure 3.
We find the dimensionless spin magnitude of the primary
black hole, �1, to be less than 0.75 (90% credible limit);
this limit is robust to extending the prior range of spin
magnitudes and to using di↵erent waveform models.

The measurability of precession depends on the intrin-
sic source properties as well as the angle of the binary
orbital angular momentum to the line of sight (i.e. incli-
nation). The inclination of GW170608’s orbit is likely
close to either 0� or 180�, due to a selection e↵ect: the
distance inside which a given binary merger would be
detectable at a fixed SNR threshold is largest for these
inclination values (Schutz 2011). For such values, the
waveform carries little information on precession.

The distance of GW170608 is extracted from the
observed signal amplitude given the binary’s inclina-
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Figure 3. Top panel : Marginalized one-dimensional pos-
terior density functions for the spin parameters �p and �e↵

(blue) in comparison to their prior distributions (pink) as ob-
tained from the e↵ective-precession model. The dashed lines
indicate the 90% credible interval. The two-dimensional plot
shows the 50% and 90% credible regions plotted over the pos-
terior density function. Bottom panel : Posterior probabili-
ties for the dimensionless component spins �i with i = 1, 2
relative to the Newtonian orbital angular momentum L̂, i.e.
the normal of the orbital plane. The tilt angles are 0�

for spins parallel to L̂, and 180� for spins anti-parallel to
L̂. The posterior density functions are marginalized over
the azimuthal angles. Each pixel has a prior probability of
⇠ 1.8 ⇥ 10�3; they are spaced linearly in spin magnitudes
and the cosine of the tilt angles.

tion (Abbott et al. 2016e). With the network of two
nearly co-aligned LIGO detectors, the uncertainty on
inclination translates into a large distance uncertainty:
we infer a luminosity distance of DL = 340+140

�140 Mpc,
corresponding to a redshift of z = 0.07+0.03

�0.03 assuming a
flat ⇤CDM cosmology (Ade et al. 2016).
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A. Masses

The binary component masses of all three systems lie
within the range expected for stellar-mass black holes. The
least massive black hole is the secondary of GW151226,
which has a 90% credible lower bound that msource

2 ≥
5.6M⊙. This is above the expected maximum neutron star
mass of about 3M⊙ [80,81] and beyond the mass
gap where there is currently a dearth of black holes
observed in x-ray binaries [82–84]. The range of our
inferred component masses overlaps with those for stellar-
mass black holes measured through x-ray observations but
extends beyond the nearly 16M⊙ maximum of that
population [85–87].
GW150914 corresponds to the heaviest BBH system

(Msource ¼ 65.3þ4.1
−3.4M⊙) we observed, and GW151226

corresponds to the least massive (Msource ¼ 21.8þ5.9
−1.7M⊙).

Higher mass systems merge at a lower gravitational-wave
frequency. For lower-mass systems, the gravitational-wave

signal is dominated by the inspiral of the binary compo-
nents, whereas for higher-mass systems, the merger and
ringdown parts of the signal are increasingly important.
The transition from being inspiral dominated to being
merger and ringdown dominated depends upon the sensi-
tivity of the detector network as a function of frequency;
GW150914 had SNR approximately equally split between
the inspiral and post-inspiral phases [41]. Information
about the masses is encoded in different ways in the
different parts of the waveform: The inspiral predominantly
constrains the chirp mass [70,88,89], and the ringdown is
more sensitive to the total mass [90]; hence, the best-
measured parameters depend upon the mass [91–93]. This
is illustrated in the posterior probability distributions for the
three events in Fig. 4. For the lower-mass GW151226 and
LVT151012, the posterior distribution follows curves of
constant chirp mass, but for GW150914, the posterior is
shaped more by constraints on the total mass [94].

FIG. 5. Posterior probability distributions for the dimensionless component spins cS1=ðGm2
1Þ and cS2=ðGm2

2Þ relative to the normal to
the orbital plane L, marginalized over the azimuthal angles. The bins are constructed linearly in spin magnitude and the cosine of the tilt
angles, and therefore have equal prior probability. The left plot shows the distribution for GW150914, the middle plot is for LVT151012,
and the right plot is for GW151226.

FIG. 6. Posterior probability distributions for the sky locations of GW150914, LVT151012, and GW151226 shown in a Mollweide
projection. The left plot shows the probable position of the source in equatorial coordinates (right ascension is measured in hours and
declination is measured in degrees). The right plot shows the localization with respect to the Earth at the time of detection. Hþ and Lþ
mark the Hanford and Livingston sites, and H− and L− indicate antipodal points; H-L and L-H mark the poles of the line connecting the
two detectors (the points of maximal time delay). The sky localization forms part of an annulus, set by the difference in arrival times
between the detectors.
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Can BHs really make it?

aGW = 1.2⇥ 1011
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stellar-mass BHs 
supermassive BHs 

At lowest order, GW emission causes the orbit to shrink:
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at the leading, Newtonian order (Peters and Mathews 1963; Peters 1964):
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For example, from the above equations we have da/de ⇠ (12/19)(a/e) and consequently
a ⇠ e12/19. The eccentricity decreases faster than the separation: deviations from the
circular inspiral become smaller and smaller as the separation decreases. Fig. 5.2 shows the
merger timescale in the GW-driven phase for BH binaries of total mass M = 10M� and
mass ratio q = 0.8 (which is the same value used in Chapter 7). The coupled differential
equations (5.5) and (5.6) are solved numerically from initial values a0 and e0. We plot on a
color-coded scale the time necessary1 to reach a ' 0. Integrations are performed using the
StepperDopr5 routine developed in Press et al. (2002). The merger timescale increases
with the initial separation a0, because a very small amount of energy is emitted when the
BHs are far from each other (P ⇠ a�5, from Eq. 5.3). Highly eccentric binaries will merge
quicker because less angular momentum has to be emitted (see Eq. 3.1) and more radiation
is emitted at periastron because the bodies are closer to each other.

Further PN corrections of these evolutionary equations in the case of elliptic orbits can be
found in Damour et al. (2004), Sperhake et al. (2008a) and references therein. In this work
we use the standard Peters equations (5.5) and (5.6) to select merging binaries because they
give the timescale of the process within the level of accuracy that we require (Sec. 7.1.2).
The BH inspiral described in Chapter 6, is modeled in far more detail using higher-order
corrections for circular orbits.
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Figure 5.2: Merger timescale in the GW-driven inspiral for BH binaries with M = 10M�
and q = 0.8. The color-coded map shows (on a logarithmic scale the time needed (in yrs) for
a BH binary with semi major axis a0 and eccentricity e0 to reach coalescence. Black lines
mark 106, 108, 1010, 1012 and 1014 yrs from bottom to top respectively. The calculation was
performed by numerically integrating Eqs. (5.5) and (5.6).

1We cannot formally reach the final separation a = 0, because the system becomes stiff: in practice we
follow the solutions down to fiducial separations 10�8

a0, which are well outside the range of separations
where Eqs. (5.5) and (5.6) are valid.
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Have we been together for so long?

Yes! I’ve known you 
since you were a star

Don’t you remember?   
We just met in cluster



Massive stars to BHs: field evolution

Fig. 1. Example of a specific binary evolution leading to the formation of a BH-BH merger
similar to GW150914 in mass and time. A massive binary star (96 + 60 M⊙) is formed in the
distant past (2 billion years after Big Bang; z ∼ 3.2) and after five million years of evolution
forms a BH-BH system (37 + 31 M⊙). For the ensuing 10.3 billion years this BH-BH system
is subject to angular momentum loss, with the orbital separation steadily decreasing, until the
black holes coalesce at redshift z = 0.09. This example binary formed in a low metallicity
environment (Z = 3% Z⊙). 27

Belczynski+2016

Main-sequence binary star

First evolves to supergiant:  
Roche-lobe overflow, mass transfer

First goes supernova and forms a BH 
Is it still a binary?

Second evolves to supergiant:  
common envelope
Must be efficient… Critical stage to bring the 
separation down! 
… but not too much: is it still a binary?

Second goes supernova and forms a BH 
Is it still a binary?

Inspiral, merger, ringdown and LIGO

1.

2.

3.

4.

5.
6.



Dynamical assembling:  
cluster evolution Belczynski et al 2016

Dense stellar clusters, many three body interactions

Dynamical friction: heavy objects sink towards the center 

Soft binaries become softer, hard binaries become harder

1.
2.
3.

2

2. FORMING HEAVY BBHS IN GCS

We extract from our 48 models all the binaries that
appear similar to GW150914. We start by looking at any
BBH whose source-frame component and chirp masses
fall within the 90% credible regions for GW150914
(m1 = 35.7+5.4

�3.8M�, m2 = 29.1+3.8
�4.4M�, and Mc =

27.9+2.1
�1.7M�, from The LIGO Scientific Collaboration &

The Virgo Collaboration 2016b). This corresponds to
a total of 262 BBHs from 40 of the 48 GC models, 259
of which merge outside the cluster. We assume all GCs
formed ⇠ 12 Gyr ago (at z ' 3.5, consistent with GCs
in the Milky Way, although other galaxies, such as the
Large and Small Magellanic Clouds, have significantly
younger GC populations). Of the 8 GC models that
do not contribute BBHs with masses like GW150914,
4 have disrupted before 12 Gyr and are exlcluded from
our analysis, and the remaining 4 have low initial N and
lower number of initial BHs. The remaining 40 GC mod-
els contribute roughly equal numbers of GW150914-like
BBHs (when normalized to the number of initial stars
in each model). Our models show a strong dependence
on metallicity, with the Z = 0.05Z� and 0.01Z� models
contributing nearly 3 and 5 times as many BBHs as the
Z = 0.25Z� models, respectively.
We then define a true GW150914 progenitor to be

the subset of these 262 binaries that merge between 7
and 13 Gyr after GC formation, corresponding to merg-
ers that occur in the local universe (z < 0.5). We
find 14 such systems across our 48 models, all of which
were ejected from the cluster prior to merger. Of these
14, we find that 10 originate from 5 GC models with
similar initial conditions, corresponding to GCs with
lower metallicities (0.05Z� and 0.01Z�, typical for the
low-metallicity clusters in most galaxies), large masses
(N = 1 ⇥ 106 and 2 ⇥ 106 initial particles, correspond-
ing to final masses of 3⇥ 105M� to 6⇥ 105M� today),
and typical virial radii (Rv = 2 pc). That these binaries
(and the majority of all 262 GW150914-like BBHs) form
from low metallicity and massive clusters is unsurpris-
ing: lower metallicities yield less e↵ective stellar winds
(Vink 2011), reducing the amount of mass that is lost
before a massive star collapses, and producing “heavy”
BHs like the observed components of GW150914 (Bel-
czynski et al. 2010; Mapelli et al. 2013; Spera et al.
2015). Furthermore, massive clusters produce a larger
number of BHs, which enhances the dynamical produc-
tion of BBHs.
The preference for clusters with larger virial radius (2

pc versus the more compact 1 pc clusters) arises from the
need for long inspiral times. Binaries with total masses
of ⇠ 60M� are more massive than the average stellar or
BH mass in the cluster, and are typically ejected within
the first few Gyrs of a cluster’s evolution. However, since

Figure 1. Interaction diagram showing the formation history
for two GW150914 progenitors in a single GC model. From
top to bottom, the history of each individual BH that will
eventually comprise a GW150914-like binary is illustrated,
including all binary interactions. The legend shows the var-
ious types of gravitational encounters included in our GC
models (with the exception of two-body relaxation). In each
interaction, the black sphere represents the GW150914 pro-
genitor BH, while the blue and red spheres represent other
BHs (and stars) in the cluster core.

Rodriguez+2016A. Geller

Key point: stellar 
evolution is 
separate! They 
meet, swap, 
meet again, etc…



Can we tell them apart?Constraining BBH Formation Models with GW Observations 3

Figure 1. Chirp mass distributions for the field and cluster population models. Each panel shows the independently normalized distri-
butions of sources generated (filled histogram) and sources weighted by detectability (unfilled histogram). For reference, the chirp mass of
the two gravitational-wave events GW150914 and GW151226 and gravitational-wave candidate LVT151012 are plotted, with outer lines
representing the 90% credible region. The top, middle, and bottom panels show the distributions for fallback, proportional, full natal kick
prescriptions, respectively. We construct each submodel using one kick magnitude prescription, comprised of equal abundances of binaries
from the four other submodels.

population synthesis codes. The final kick prescrip-
tion, called the full kick prescription, assumes that
the black hole kick is equal to the full kick imparted
to the neutron star:

V
BH

kick
= V

NS

kick
. (3)

2. Two di↵ering kick directions. In one model we as-
sume kicks are isotropically distributed in solid an-
gle around the exploding star, which is the common
assumption in population models. However, obser-
vations of pulsars have suggested a correlation be-
tween the kick direction and spin axis (Kaplan et al.
2008), motivating the inclusion of a polar kick pre-
scription where the kicks are confined to 10� cones
about the rotational axis of the progenitor star.

3. Two di↵erent methods of accounting for uncertain-
ties in the realignment of the component spin axes
after the first supernova. One model allows for re-
alignment of the binary after the first kick, whereas
the other model does not realign. Though this does
not have an e↵ect on the mass distributions of the
field population models, it has a substantial e↵ect
on the spin distributions of the resultant BBHs.

All these variations in model assumptions largely af-

fect the resultant spin-tilt distributions of the binaries.
However, only kick magnitudes play a substantial role
on the final distribution of BBH chirp masses. As seen
in Figure 1, stronger kick prescriptions flatten out the
abundance of low-mass binaries in field models; these
systems acquire larger linear velocities from the kicks,
allowing the kinetic energy of the binary component to
more easily overcome the gravitational potential and be-
come unbound. As this paper focuses on chirp mass mea-
surements, we construct each submodel using one kick
magnitude prescription, comprised of equal abundances
of binaries from the four other submodels. Furthermore,
we expect only one kick magnitude to be true, whereas
kick direction and binary realignment prescriptions may
be dependent on processes such as stellar rotation. Fu-
ture work will incorporate spin measurements in the in-
ference and address these submodels with more detail.

2.2. Cluster Binary Populations

In this study, we consider the “classical” channel of
dynamical formation in old, metal-poor globular clus-
ters. Cluster binaries are drawn from a few dozen glob-
ular cluster models generated using the Cluster Monte
Carlo (CMC) code (see e.g. Chatterjee et al. 2010). Black
holes sink to the centers of globular clusters due to dy-

>100 events needed to 
distinguish these populations 
with masses and rates…

Zevin+ 2017

Stevenson+ 2015, Zevin+ 2017

Masses and rates

2 A. Nishizawa et al.

is well known to circularize the orbit. While field and cluster
formation scenarios predict very distinct eccentricity distri-
butions at BHB formation, both scenarios result in nearly
circular binaries in the Advanced LIGO band. The first ob-
served signals did not set strong bounds on the eccentricity
of the binary (Abbott et al. 2016c,b), and it is quite unlikely
that eccentricity measurements with ground-based detectors
will ever di↵erentiate between the field and cluster scenar-
ios. However, Sesana (2016) showed that, depending on the
intrinsic rates (which are only loosely constrained by current
detections) and on the detector baseline, the evolved Laser
Interferometer Space Antenna (eLISA) will observe few to
few thousands BHBs (see also Kyutoku & Seto 2016). Be-
cause of the much lower frequency band, eLISA will detect
these systems before circularization, and in many cases it
will be able to measure their eccentricity (Nishizawa et al.
2016).

In this Letter we use Bayesian model selection to
demonstrate how eLISA eccentricity measurement can con-
clusively distinguish between di↵erent BHB formation chan-
nels. In Section II we consider three models for BHB forma-
tion, and discuss the eccentricity distributions predicted by
these models in the eLISA band1. In Section III we simu-
late and analyse eLISA observations using various models
and detector baselines. In Section IV we present our main
results, and in Section V we discuss their implications. We
assume a concordance ⇤CDM cosmology with h = 0.679,
⌦M = 0.306 and ⌦⇤ = 0.694 (Planck Collaboration et al.
2015).

2 ASTROPHYSICAL MODELS AND
ECCENTRICITY DISTRIBUTIONS

We consider a BHB population merging at a rate R, char-
acterized by a chirp mass probability distribution p(Mr) –
where Mr ⌘ (M1,rM2,r)

3/5
/(M1,r + M2,r)

1/5, and a sub-
script r denotes quantities in the rest frame of the source
– and by an eccentricity probability distribution p(e⇤) at
some reference frequency f⇤ close to coalescence (we set
f⇤ = 10Hz). If p(e⇤) depends only on the BHB formation
route, but not on chirp mass and redshift, the merger rate
density per unit mass and eccentricity is given by

d
3
n

dMrdtrde⇤
= p(Mr) p(e⇤)R. (1)

Equation (1) can be then converted into a number of sources
emitting per unit mass, redshift and frequency at any time
via

d
4
N

dMrdzdfrde⇤
=

d
3
n

dMrdtrde⇤

dV

dz

dtr

dfr
(e(e⇤, f)), (2)

where dV/dz is the standard volume shell per unit redshift,
and

dtr

dfr
(e(e⇤, f)) =

5c5

96⇡8/3
(GMr)

�5/3
f
�11/3
r

1
F (e(e⇤, f))

. (3)

1 For a detailed astrophysical comparison of BHBs formed in
galactic fields and globular clusters observable by eLISA, see
Breivik et al. (2016).

Figure 1. Eccentricity distributions predicted by the field (or-
ange), cluster (turquoise) and MBH (purple) scenarios. The top
panel show the distribution at the reference frequency f⇤ =
10Hz, while the bottom panel is the observable distribution p(e0)
evolved “back in time” to f0 = 0.01Hz.
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We can construct a population of systems potentially observ-
able by eLISA by Monte Carlo sampling from the distribu-
tion in equation (2) using appropriate distribution functions
for p(Mr) and p(e⇤). For the mass distribution we employ
the “flat” mass function of Abbott et al. (2016f), i.e., we as-
sume that the two BH masses are independently drawn from
a log-flat distribution in the range 5M� < M1,2,r < 100M�,
restricting the total BHB mass to the be less than 100M�.
For the eccentricity distribution we consider, as a proof of
concept, three popular BHB formation scenarios:

(i) Model field: this is the default BHB field formation
scenario of Kowalska et al. (2011), taken to be representative
of BHBs resulting from stellar evolution.

(ii) Model cluster: globular clusters e�ciently form BHBs
via dynamical capture. Most of these BHBs are ejected in the
field and evolve in isolation until they eventually merge. Be-
cause of their dynamical nature, BHBs typically form with a
thermal eccentricity distribution. A comprehensive study of
this scenario has been performed by Rodriguez et al. (2016c).

(iii) Model MBH. BHs and BHBs are expected to cluster
in galactic nuclei because of strong mass segregation. In this
case, binaries within the sphere of influence of the central
MBH undergo Kozai-Lidov resonances, forming triplets in
which the external perturber is the MBH itself. This scenario
has been investigated in Antonini & Perets (2012), and it
results in high BHB eccentricities.

The eccentricity distributions at f⇤ = 10Hz, as pre-
dicted by these models, are shown in the top panel of Fig-
ure 1. In the bottom panel we propagate these distributions
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is well known to circularize the orbit. While field and cluster
formation scenarios predict very distinct eccentricity distri-
butions at BHB formation, both scenarios result in nearly
circular binaries in the Advanced LIGO band. The first ob-
served signals did not set strong bounds on the eccentricity
of the binary (Abbott et al. 2016c,b), and it is quite unlikely
that eccentricity measurements with ground-based detectors
will ever di↵erentiate between the field and cluster scenar-
ios. However, Sesana (2016) showed that, depending on the
intrinsic rates (which are only loosely constrained by current
detections) and on the detector baseline, the evolved Laser
Interferometer Space Antenna (eLISA) will observe few to
few thousands BHBs (see also Kyutoku & Seto 2016). Be-
cause of the much lower frequency band, eLISA will detect
these systems before circularization, and in many cases it
will be able to measure their eccentricity (Nishizawa et al.
2016).

In this Letter we use Bayesian model selection to
demonstrate how eLISA eccentricity measurement can con-
clusively distinguish between di↵erent BHB formation chan-
nels. In Section II we consider three models for BHB forma-
tion, and discuss the eccentricity distributions predicted by
these models in the eLISA band1. In Section III we simu-
late and analyse eLISA observations using various models
and detector baselines. In Section IV we present our main
results, and in Section V we discuss their implications. We
assume a concordance ⇤CDM cosmology with h = 0.679,
⌦M = 0.306 and ⌦⇤ = 0.694 (Planck Collaboration et al.
2015).

2 ASTROPHYSICAL MODELS AND
ECCENTRICITY DISTRIBUTIONS

We consider a BHB population merging at a rate R, char-
acterized by a chirp mass probability distribution p(Mr) –
where Mr ⌘ (M1,rM2,r)

3/5
/(M1,r + M2,r)

1/5, and a sub-
script r denotes quantities in the rest frame of the source
– and by an eccentricity probability distribution p(e⇤) at
some reference frequency f⇤ close to coalescence (we set
f⇤ = 10Hz). If p(e⇤) depends only on the BHB formation
route, but not on chirp mass and redshift, the merger rate
density per unit mass and eccentricity is given by
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Equation (1) can be then converted into a number of sources
emitting per unit mass, redshift and frequency at any time
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1 For a detailed astrophysical comparison of BHBs formed in
galactic fields and globular clusters observable by eLISA, see
Breivik et al. (2016).

Figure 1. Eccentricity distributions predicted by the field (or-
ange), cluster (turquoise) and MBH (purple) scenarios. The top
panel show the distribution at the reference frequency f⇤ =
10Hz, while the bottom panel is the observable distribution p(e0)
evolved “back in time” to f0 = 0.01Hz.

Here

F (e(e⇤, f)) = (1� e
2)�7/2

✓
1 +

73
24

e
2 +

37
96

e
4

◆
, (4)

and e(e⇤, f) is computed by finding the root of

f

f⇤
=

2

41� e
2
⇤

1� e2

✓
e

e⇤

◆12/19
 
1 + 121

304e
2

1 + 121
304e

2
⇤

!870/2299
3

5
�3/2

. (5)

We can construct a population of systems potentially observ-
able by eLISA by Monte Carlo sampling from the distribu-
tion in equation (2) using appropriate distribution functions
for p(Mr) and p(e⇤). For the mass distribution we employ
the “flat” mass function of Abbott et al. (2016f), i.e., we as-
sume that the two BH masses are independently drawn from
a log-flat distribution in the range 5M� < M1,2,r < 100M�,
restricting the total BHB mass to the be less than 100M�.
For the eccentricity distribution we consider, as a proof of
concept, three popular BHB formation scenarios:

(i) Model field: this is the default BHB field formation
scenario of Kowalska et al. (2011), taken to be representative
of BHBs resulting from stellar evolution.

(ii) Model cluster: globular clusters e�ciently form BHBs
via dynamical capture. Most of these BHBs are ejected in the
field and evolve in isolation until they eventually merge. Be-
cause of their dynamical nature, BHBs typically form with a
thermal eccentricity distribution. A comprehensive study of
this scenario has been performed by Rodriguez et al. (2016c).

(iii) Model MBH. BHs and BHBs are expected to cluster
in galactic nuclei because of strong mass segregation. In this
case, binaries within the sphere of influence of the central
MBH undergo Kozai-Lidov resonances, forming triplets in
which the external perturber is the MBH itself. This scenario
has been investigated in Antonini & Perets (2012), and it
results in high BHB eccentricities.

The eccentricity distributions at f⇤ = 10Hz, as pre-
dicted by these models, are shown in the top panel of Fig-
ure 1. In the bottom panel we propagate these distributions
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is well known to circularize the orbit. While field and cluster
formation scenarios predict very distinct eccentricity distri-
butions at BHB formation, both scenarios result in nearly
circular binaries in the Advanced LIGO band. The first ob-
served signals did not set strong bounds on the eccentricity
of the binary (Abbott et al. 2016c,b), and it is quite unlikely
that eccentricity measurements with ground-based detectors
will ever di↵erentiate between the field and cluster scenar-
ios. However, Sesana (2016) showed that, depending on the
intrinsic rates (which are only loosely constrained by current
detections) and on the detector baseline, the evolved Laser
Interferometer Space Antenna (eLISA) will observe few to
few thousands BHBs (see also Kyutoku & Seto 2016). Be-
cause of the much lower frequency band, eLISA will detect
these systems before circularization, and in many cases it
will be able to measure their eccentricity (Nishizawa et al.
2016).

In this Letter we use Bayesian model selection to
demonstrate how eLISA eccentricity measurement can con-
clusively distinguish between di↵erent BHB formation chan-
nels. In Section II we consider three models for BHB forma-
tion, and discuss the eccentricity distributions predicted by
these models in the eLISA band1. In Section III we simu-
late and analyse eLISA observations using various models
and detector baselines. In Section IV we present our main
results, and in Section V we discuss their implications. We
assume a concordance ⇤CDM cosmology with h = 0.679,
⌦M = 0.306 and ⌦⇤ = 0.694 (Planck Collaboration et al.
2015).
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some reference frequency f⇤ close to coalescence (we set
f⇤ = 10Hz). If p(e⇤) depends only on the BHB formation
route, but not on chirp mass and redshift, the merger rate
density per unit mass and eccentricity is given by
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evolved “back in time” to f0 = 0.01Hz.
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We can construct a population of systems potentially observ-
able by eLISA by Monte Carlo sampling from the distribu-
tion in equation (2) using appropriate distribution functions
for p(Mr) and p(e⇤). For the mass distribution we employ
the “flat” mass function of Abbott et al. (2016f), i.e., we as-
sume that the two BH masses are independently drawn from
a log-flat distribution in the range 5M� < M1,2,r < 100M�,
restricting the total BHB mass to the be less than 100M�.
For the eccentricity distribution we consider, as a proof of
concept, three popular BHB formation scenarios:

(i) Model field: this is the default BHB field formation
scenario of Kowalska et al. (2011), taken to be representative
of BHBs resulting from stellar evolution.

(ii) Model cluster: globular clusters e�ciently form BHBs
via dynamical capture. Most of these BHBs are ejected in the
field and evolve in isolation until they eventually merge. Be-
cause of their dynamical nature, BHBs typically form with a
thermal eccentricity distribution. A comprehensive study of
this scenario has been performed by Rodriguez et al. (2016c).

(iii) Model MBH. BHs and BHBs are expected to cluster
in galactic nuclei because of strong mass segregation. In this
case, binaries within the sphere of influence of the central
MBH undergo Kozai-Lidov resonances, forming triplets in
which the external perturber is the MBH itself. This scenario
has been investigated in Antonini & Perets (2012), and it
results in high BHB eccentricities.

The eccentricity distributions at f⇤ = 10Hz, as pre-
dicted by these models, are shown in the top panel of Fig-
ure 1. In the bottom panel we propagate these distributions
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Spins have secrets!

What information is encoded in the 
spins for the events we have?  

And from many more detections?

Field binaries: evolve together.  
Tidal interactions and accretion 
tend to align the spins?

Cluster binaries: evolve separately 
and then meet. Isotropic spin 
distribution, more precession?

??

My two cents. The good news first…
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Field binaries, spin tracking

To isolate the effects of spin orientation during the PN
inspiral of the BH binaries, we fix the final mass ratio to the
typical value q ¼ 0:8 [12]. To ensure that this final mass
ratio is obtained, the initial stellar masses of the binaries
must be fixed to ðM0

Si;M
00
SiÞ ¼ ð35M$; 16:75M$Þ in the

SMR scenario, or ð30M$; 24M$Þ in the RMR scenario.
Throughout the paper, we use a single prime to identify
the initially more massive stellar progenitor or ‘‘primary,’’
and a double prime to denote the initially less massive
progenitor or ‘‘secondary.’’ This choice of initial masses
also fixes the total mass of our BH binaries to M ¼
13:5M$, quite close to the expected peak of the distribution
for the total mass [12]. The mass of the stars is somewhat
smaller than expected for the progenitors of BHs of these
masses because we have neglected stellar winds, that lead
to considerable mass loss prior to BH formation. Table I
provides numerical values for the masses and radii of both
the primary and secondary throughout the evolution in both
the SMR and RMR scenarios. Appendix A 1 shows how
this choice of initial masses leads to BHs of the desired
final masses.

The initial main-sequence stage of the evolution is
shown as phase a in Fig. 3. Binaries are assumed to form

on circular3 orbits with initial semimajor axes a0 drawn
from the distribution described in Appendix A 2. We
assume that the spins of the primary S0 and secondary S00

are initially aligned4 with the orbital angular momentum
L. As the primary evolves, its envelope expands until it
fills its Roche lobe, initiating stable mass transfer to the
secondary (phase b in Fig. 3). The efficiency of mass
transfer is usually parametrized via a parameter
fa 2 ½0; 1&: cf. Eq. (A9) of Appendix A 3. We assume
this mass transfer continues until the primary has depleted
its hydrogen envelope, leaving behind a helium core of
mass M0

C ¼ 8:5M$ (M0
C ¼ 8M$) in the SMR (RMR)

scenario. Following [12], we assume semiconservative

FIG. 3. A schematic representation of our model for BH binary formation and spin evolution. Empty circles represent stars, filled
circles represent BHs. Phase (a) shows the initial main-sequence stellar binary. Mass transfer from the primary to the secondary (b)
leads to a possible mass-ratio reversal. The first SN kick tilts the angle between the spins and the orbital plane (c). Tidal interactions
can realign the stellar member of the binary (d). The second SN kick tilts the orbital plane again (e). Gravitational radiation shrinks and
circularizes the binary before our explicit PN evolution begins (f).

3The initial eccentricity has minimal effect. In fact we have
repeated our calculations using an initially thermal distribution
of eccentricities of the form fðeÞ ¼ 2e, and we observed no
significant difference in the final distribution of !" and !12.

4The alignment of stellar spins in eclipsing binaries can be
measured through the Rossiter-McLaughlin effect [34,35].
Although many systems have aligned spins [36– 38], there are
notable exceptions [39]. We expect efficient tidal alignment in
the progenitors of merging BH binaries, due to their small initial
separations.
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A diagnostic of BH binary formation
DG+2013

• Tides: when the system is 
formed of a BH and a star, 
can tidal interactions align 
the star’s spin?  

• Mass transfer: is mass 
transfer efficient enough to 
reverse the mass ratio?

Two main knobs:

Spin dynamics 
remembers precise 

formation steps!

of the inspiral slows down the evolution of !" when the
components of the spin orthogonal to the orbital angular
momentum are also orthogonal to each other, causing
binaries that are not locked into resonance to pile up at
!" ¼ "90#.

Let us stress again that the statistical effect of resonances
is clearly visible at fGW ¼ 20 Hz, i.e., when BH binaries
enter the Advanced LIGO/Virgo band. GW measurements
of !" can therefore be used to constrain uncertainties in
BH binary-formation scenarios. The inclusion of resonant
effects in population-synthesis models (combined with a
statistically significant sample of GW measurements of
!") has the potential to constrain various aspects of the
models, such as the efficiency of tides, stable mass transfer,
common-envelope (CE) evolution, SN kick velocities, and
the metallicity of BH progenitors.

B. Outline of the paper

The rest of the paper provides details of our astrophys-
ical model and a more detailed discussion of the results. In
Sec. II we introduce our fiducial BH binary-formation
channels, which are based on detailed population-synthesis
models, as described in much greater length in
Appendix A. In order to focus on spin effects, we fix the
component masses to two representative values. We assume

that SN kicks follow a Maxwellian distribution in
magnitude. We also assume that the kicks are distributed
in a double cone of opening angle !b about the spin of
the exploding star and, to bracket uncertainties, we consider
two extreme scenarios: isotropic (!b ¼ 90#) or polar
(!b ¼ 10#) kicks.
Section III summarizes the results of evolving these BH

binaries under the effect of gravitational radiation down to
a final separation of 10GM=c2. We demonstrate that spin-
orbit resonances have a significant impact on the observ-
able properties of our fiducial BH binaries. Although we
have only explored a handful of evolutionary channels and
component masses, in Sec. IV we argue that the scenarios
described in Fig. 1 are broadly applicable: kicks, tides, and
the mass-ratio distribution control spin alignment. We ex-
plore the sensitivity of these three features (and hence of
the observable distribution of resonantly locked binaries)
to several poorly constrained physical inputs to binary-
evolution models, and we argue that GW observations of
precession angles could provide significant constraints on
binary-formation channels. Finally, in Sec. V we describe
the implications of our results for future efforts in binary-
evolution modeling and GW detection.
To complement and justify the simple astrophysical

model proposed in Sec. II, in Appendix A we describe
in detail the rationale underlying the model and its
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FIG. 2 (color online). Left: probability distribution of the angle between the projections of the spins on the orbital plane !". As the
binaries inspiral, the GW frequency fGW increases from 0.01 Hz (dotted blue lines) to 1 Hz (dashed red lines) and later 20 Hz (solid
black lines). Under the effect of tides the PN evolution brings the spins in the same plane (!" ! 0#,"180#), both in a reversed mass
ratio (top panel) and in a standard mass ratio (middle panel) scenario. When tidal effects are removed (bottom panel, where we show
both RMR and SMR binaries) the spins precess freely and pile up at !" ¼ "90#. Right: probability distribution of the angle between
the two spins !12. In the RMR scenario (top panel) the spins end up almost completely aligned with each other, i.e., most binaries have
!12 ’ 0#. In the SMR scenario (middle panel) and in the absence of tides (bottom panel, where again we show both RMR and SMR
binaries) a long tail at large values of !12 remains even in the late inspiral. All simulations shown in this figure assume that kick
directions are isotropically distributed. Error bars are computed assuming statistical Poisson noise.
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Tides 
Efficient mass transfer

Tides 
Inefficient mass transfer

No TidesPost-Newtonian spin-orbit resonances
Evolutionary equations

• Spin precession

• Angular momentum conservation

• Radiation reaction

• 1 scale : M = m1 +m2 (total mass)

• 3 parameters: q = m2/m1 (mass ratio),
�1, �2 (spin magnitudes)

• 3 variables: ✓1, ✓2, �� (angles)

Spin-orbit couplings

• Three vector in a single resonant plane

S2 · (L⇥ S1) = 0
d

dt
S2 · (L⇥ S1) = 0

• Two resonances
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✓1 > ✓2 : �� ! ±⇡

x

y

L̂

z

S1

��

✓1

S2

✓2

✓12

•

PN: Kidder 1995; Arun et al. 2009 and many others

Resonances: Schnittman 2004; Kesden et al. 2010a,b; Berti et al. 2012
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Supernova asymmetries and kicks
Scheck+2006; Repetto+2013,2015; Janka 2013

Gravitational tugboat 
mechanism

4 Hans-Thomas Janka

Figure 1. Schematic visualization of SN mass ejection and compact remnant kicks. In the left image the ejecta are spherically symmetric
and no recoil is imparted to the central object. Asymmetric mass ejection must lead to compact remnant motion with the opposite linear
momentum (middle panel). The momentum can be transferred by gravitational forces and by direct hydrodynamical forces in the case
of accretion. The latter are crucial when the proto-neutron star is accreting fallback matter to collapse to a black hole (right panel).
(Image taken from Scheck et al. (2006); reproduced with permission c⃝ESO.)

by Scheck et al. (2004, 2006) and further explored by Nord-
haus et al. (2010, 2012). Simulations by Wongwathanarat
et al. (2010, 2013) have provided confirmation of the kick
scenario also in three dimensions. A detailed discussion of
the underlying physics was provided by Wongwathanarat et
al. (2013; see also Nordhaus et al. 2010). The fundamental
aspects of asymmetry creation and NS repulsion are summa-
rized here on the basis of the neutrino-heating mechanism
but they are applicable beyond this special case.

Seeded by potentially small initial perturbations in the
collapsing stellar core, large-scale asymmetries can develop
by hydrodynamic instabilities in the neutrino-heated accre-
tion flow between the stalled SN shock and the PNS at the
center. On the one hand, neutrino heating leads to convec-
tive overturn and buoyant bubble motions (Bethe 1990), on
the other hand global, nonradial shock deformation grows
by the standing-accretion shock instability (SASI; Blondin,
Mezzacappa & DeMarino 2003) with largest growth rates on
the scale of the lowest-order spherical harmonics modes. The
SASI is amplified in an advective-acoustic cycle (Foglizzo
2002, Foglizzo et al. 2007, Scheck et al. 2008, Guilet &
Foglizzo 2012) and leads to violent sloshing motions and po-
tentially spiral-mode rotation (Blondin & Mezzacappa 2007,
Fernández 2010, Hanke et al. 2013) of the postshock layer.

As a consequence, the mass and energy distributions
around the PNS can become highly asymmetrical with large
variations of the neutrino-energy deposition rate in different
directions. The explosion sets in anisotropically with rising,
high-entropy bubbles pushing the shock outwards while ac-
cretion to the PNS continues in narrower downdrafts. Si-
multaneous accretion and shock expansion can persist for
periods of several 100ms, possibly in special cases for more
than a second. Eventually, however, the outgoing shock ac-
celerates the matter swept up in the overlying shells to ve-
locities exceeding the local escape speed, and the inward
pointing accretion downdrafts lose their supply of fresh gas.
Accretion to the PNS therefore decays and the transition

to the neutrino-driven wind phase takes place, during which
the PNS continues to lose mass at a low and declining rate
(!10−3...10−2 M⊙ s−1) in an essentially spherically symmet-
ric supersonic outflow. This outflow is driven by the energy
that neutrinos escaping from the hot PNS deposit in the
layers adjacent to the neutrinosphere (Duncan, Shapiro &
Wasserman 1986; Qian & Woosley 1996).

Accretion downflows and rising bubbles can directly
transfer momentum to the NS by hydrodynamic effects
(Janka & Müller 1994). Because of the strongly time depen-
dent and nonstationary flows before and during the initia-
tion of the explosion, however, the NS is bounced back and
forth in varying directions and can attain only small recoil
velocities (at most around 100 kms−1) in multi-dimensional
simulations of this early postbounce phase (e.g., Fryer 2004;
Fryer & Young 2007). Once the explosion sets in and the
asymmetry pattern of the ejecta becomes frozen in, however,
significant linear momentum in a certain direction can build
up in the compact remnant (as visualized in the right panel
of Fig. 1). This NS recoil points away from the direction of
strongest mass ejection. In contrast to such a hydrodynamic
acceleration associated with the accretion downdrafts and
anisotropic outflows, the spherically symmetric neutrino-
driven wind does not contribute to the NS recoil on any
significant level. Instead, the compact remnant experiences
a persistent traction that is exerted by the anisotropic gravi-
tational attraction of the asymmetrically distributed ejecta.
The corresponding NS acceleration is directed towards the
densest, slowest ejecta clumps (Fig. 1, middle panel). The
NS velocity grows at the expense of ejecta momentum, but
the associated loss of momentum in the outward moving
ejecta can be compensated by their continuous reaccelera-
tion as internal explosion energy is converted to kinetic en-
ergy by hydrodynamic forces in the accelerating SN blast.
The NS and the towing high-density ejecta clumps can also
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Figure 4. 3D Volume renderings of the specific entropy at ⇠150ms after bounce in the four simulated models. The z-axis of the frames is the vertical, x is
the horizontal and y is into the frame. The scale of the frames is 700km on a side. The colormap is chosen such that cyan corresponds to a moderate specific
entropy of ⇠4.3kB baryon-1, indicating the shock front and low-entropy regions near the protoneutron star. Regions in yellow indicate higher entropy gas at
s ⇠ 16kB baryon-1 and red regions correspond to gas with s ⇠ 20kB baryon-1. These values are chosen to highlight the surface of the shock and gas at a
representative “intermediate” and a representative “high” specific entropy. Note the large scale global asymmetries and the many small blob-like protrusions in
the shock fronts of models whose shock has reached large radii.

to stay high while its shock deformation is still moderate and
shock expansion has not yet become dynamical.

3.2. Protoneutron Star, Neutrino Emission, and
Thermodynamics of the Postshock Region

The three-species leakage/heating scheme employed in our
simulations goes beyond the MB08 light-bulb approach taken
by many recent 3D hydrodynamic studies (e.g., Nordhaus
et al. 2010; Hanke et al. 2012; Burrows et al. 2012; Murphy
et al. 2012; Dolence et al. 2012). These simulations use an-
alytic cooling functions and neglect important protoneutron

star cooling by ⌫x. They also do not take into account changes
of the electron fraction Ye after bounce (Hanke et al. 2012)
or do so only via a parameterization of Ye(⇢), which cannot
account for the strong deleptonization in the region behind
the shock due to electron capture on free protons. Neutrino
heating is realized in these simulations by an analytic heating
function with spatially and temporally constant neutrino tem-
perature and luminosity. An important consequence of these
approximations is that accreted material settling onto the pro-
toneutron star cannot sufficiently cool, deleptonize and con-
tract (Hanke et al. 2012; B. Müller et al. 2012a). This, in
turn, results in too large shock radii and low advection speeds
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Asymmetric Supernova: 
multiD simulations shows 
strong mass/neutrino 
asymmetric emission 

• Emission concentrated close to the shock 
• Remnant starts recoiling towards the slow ejecta 
• Gravitational attraction and fallback material
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Black holes? We don’t know much… 
• Fallback prevents kicks entirely, especially 

for high masses? 
• Kicks as large as those imparted to NS?

How big is the kick?
One of the main uncertainties in all population synthesis models

Neutron stars:  
solid measurement from pulsar 
proper motion distribution 
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Figure 1. The Galactic motions of the pulsars in our sample. A pulsar is currently at the position indicated by a circle and the track
indicates its motion for the last 1Myr assuming no radial velocity.

uncertainty less than 15 mas yr−1 in at least one coordinate.
For 87 of these pulsars, these provide more precise proper
motions than the earlier measurements.

Direct distance measurements have only been obtained
for a small number of pulsars. The majority of distances
are estimated from the dispersion measure and a Galactic
electron density model. Using the Taylor & Cordes (1993;
hereafter TC93) model, Lyne & Lorimer (1994) found the
mean pulsar birth velocity2 to be 450(90) km s−1. Recently,
Cordes & Lazio (2002; hereafter CL02) provided an updated
model which, on average, predicts somewhat smaller dis-
tances than TC93 which will clearly have an impact on the
calculated velocities. Hereafter, we designate the velocities
derived from the two models as V TC and V CL.

Clearly, with these new proper motion determinations
and a new electron density model it is productive to revisit
the statistics of pulsar velocities. In Section 2, we describe
the sample of proper motions used in this work which com-
bines new results published in Paper I with other proper
motion values in the literature. In Section 3, we highlight
the effect of using the CL02 electron density model to ob-
tain pulsar distances and velocities. In Section 4 we examine
the statistical properties of various sub-samples of the ob-
served sample. Following a brief discussion of the motion
of pulsars in the Galactic plane in Section 5, we estimate
the 3-D birth speed distribution of non-millisecond pulsars

2 Throughout this paper, we will present the uncertainties on
parameters as a value in parenthesis after each quantity. The value
represents the error (at the 68% confidence level) in the least
significant digit.

in Section 6. Finally, in Section 7, we summarise our main
results and conclusions.

2 THE PROPER MOTION SAMPLE

Proper motions were selected from the literature with more
precise measurements taking precedence if multiple mea-
surements exist for a specific pulsar. In practice, these proper
motions were obtained from the ATNF pulsar catalogue3

(Manchester et al. 2005) or from Paper I. These proper mo-
tion measurements all have values greater than 2σ or have
an uncertainty less than 15 mas yr−1. As discussed in Pa-
per I, for a pulsar lying in the ecliptic plane it is not pos-
sible, using timing methods, to obtain a precise estimate of
its proper motion in ecliptic latitude. Therefore, only the
longitudinal component of the proper motion has been mea-
sured for many of the pulsars in the sample. The timing so-
lutions for the 87 pulsars obtained from Paper I have been
updated using the most recent data available from the Jo-
drell Bank Observatory data archive. The timing solutions
were obtained in an identical manner to that described in
Paper I. The most recent observations used in these timing
solutions are from February 2004.

The resulting sample of 233 proper motions is provided
in Table 1. As detailed in the caption, Table 1 also includes
the 2-D speed (often referred to as the transverse speed),
V CL

T = µtotD
CL, and the difference in 2-D speed between

CL02 and TC93, V TC
T − V CL

T .

3 http://www.atnf.csiro.au/research/pulsar/psrcat

18 G. Hobbs et al.

Figure 7. The 3-D velocity distributions obtained from the observed 1-D (left) 2-D (right) distributions using the deconvolution technique
described in the text. The uncertainties on each histogram bin are calculated as

√
N where N is the number of pulsars in each bin. The

histograms are normalised to unit area. The dotted curve shows the 3-D distribution favoured by Arzoumanian et al. (2002). The solid
curve is the best-fitting Maxwellian distribution to the histogram from the 2-D distribution with σ = 265 km s−1.

D distribution with the 1-D and 2-D probability density
functions. We therefore can use a CLEAN-type algorithm
(Hogböm 1974) to deconvolve these functions from the ob-
served speed distributions. In detail, we (i) cross-correlate
the analytic expression with the observed distribution to
determine the velocity, V3, corresponding to the maximum
correlation; (ii) subtract a scaled version of the analytic ex-
pression defined by V3 from the observed distribution with a
small gain factor; (iii) record a “CLEAN”-component corre-
sponding to V3 and repeat for a large number of iterations.
The “CLEAN”-components are subsequently binned to give
a histogram representing the true 3-D space velocites.

6.2 The underlying space velocity distribution

The resulting 3-D distributions obtained from the 1-D and
the 2-D observed distributions are shown in Figure 7. Both
forms of the 3-D distribution are in excellent agreement
with each other and have mean 3-D speeds of 400(40) and
431(60) km s−1 respectively. The smaller error on the mean
derived from the 1-D speeds reflects the larger size of this
sample. It is notable that the long “tail” towards low speeds
in the observed 1-D histogram (Figure 3b) is not present in
the 3-D histogram. This reflects the fact that the observed
“tail” is simply due to projection effects. Our 3-D distribu-
tions show that very few young pulsars have 3-D speeds less
than ∼60 kms−1. The right panel of Figure 7 shows that an
excellent fit (reduced χ2 = 0.6) can be obtained using a sim-
ple Maxwellian distribution with a 1-D rms σ = 265 km s−1.

We have tested our deconvolution algorithm by simulat-
ing 3-D velocity distributions of different forms, randomly
selecting as many 1-D speeds as in our real sample from
these 3-D distributions, binning the resulting 1-D speeds as
in Figure 3 and using our deconvolution method to derive
the underlying 3-D velocities. In all cases, we have success-
fully reproduced the original form of the simulated distribu-
tion. It is of particular interest to determine whether a sin-
gle component velocity distribution could be obtained using
our algorithm from a simulated bimodal 3-D distribution.
We have therefore formed a bimodal 3-D distribution from
two Gaussians of differing amplitudes centred on 100 and
630 kms−1 similar to that proposed by Arzoumanian et al.
(2002). Using the technique described above, we attempted

to derive a 3-D distribution using our deconvolution method.
In all cases we reproduced a bimodal distribution. The zero-
lag cross correlation between the predicted and the simu-
lated distributions provided a measure of the goodness of
the reproduced distribution. All the correlation coefficients
were found to be close to 1 implying that the deconvolution
techqniue accurately reproduces the bimodal distribution,
the positions of the components and their relative ampli-
tudes. Similar results are obtained when simulating a single
component distribution.

6.3 Comparison with earlier work

Although most authors agree that a broad spectrum of ve-
locities is required to explain the observations, considerable
disagreement exists on whether the distribution has more
than one component. Based on a number of available con-
straints, Fryer, Burrows & Benz (1998) favour a bimodal
velocity distribution with one peak near 0 km s−1 and an-
other above 600 km s−1. Similarly, from an extensive study
of a sample of pulsars detected in low-frequency (∼ 0.4 GHz)
radio surveys, Arzoumanian, Chernoff & Cordes (2002) find
a two component distribution with characteristic velocities
of 90 and 500 kms−1. Whether the origin of these two com-
ponents is due to a physical effect of the kick mechanism is
still a matter for debate.

The results of our novel deconvolution analysis of a large
sample of pulsars do not support the idea of a bimodal distri-
bution of pulsar velocities. This can be seen in the left panel
of Figure 7 where we compare our results with an appro-
priately normalised version of the 3-D distribution preferred
by Arzoumanian et al. (2002). This figure clearly shows that
the new distribution is incompatible with the Arzoumanian
et al. model which predicts an excess of low-velocity pulsars
and dearth of high-velocity ones. Fryer et al. (1998) argued
that the pulsar proper motion data available to them at that
time were not sufficient to constrain distribution of neutron
star kick velocities. It would be instructive (but beyond the
scope of this paper) to repeat their calculations using the
larger sample of proper motions now available. For now, we
re-iterate that a Maxwellian distribution provides an excel-
lent fit to the 3-D pulsar velocity distribution.

An earlier analysis by Hansen & Phinney (1997) on a
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Fig. 6.— Black hole natal kick empirical estimates (blue; squares) for 14 Galactic X-ray binaries. Actual natal kick
estimates based on 3D peculiar velocities are available for 5 binaries (filled squares). Lower limits based on Galactic
position are available for 9 binaries (empty squares with up-arrows). We have re-evaluated some of these lower limits
down (lines reaching from the original lower limit down to the revised limit). The most extreme case is H 1705-250 with
an original lower limit of 217 km s−1 and a revised limit of 0 km s−1. Errors on BH mass estimates are marked with
horizontal lines. For one system (GRO J0422+32) there is only a lower limit on the BH mass (> 10.4 M⊙), marked with
a right-arrow. The empirical data used in this plot is given in Table 2 and described in Sec. 6. The empirical estimates
are contrasted with evolutionary predictions (red; small crosses) of Galactic BH interacting binaries. In one evolutionary
model we have assumed high BH kicks (top panel): all BHs receive natal kicks as measured for single Galactic pulsars
(Maxwellian with 1D σ = 265 km s−1: an average kick of 420 km s−1). In another model (bottom panel) we have adopted
low BH kicks (approximately decreasing with BH mass; rapid supernova explosion model of Fryer et al. 2012). Contrary
to some expectations that natal kicks decrease with BH mass, we point out that both theoretical models: natal kicks
independent of BH mass and kicks decreasing with BH mass, can explain the empirical data within their associated
errors. On one hand this reflects the fact that the empirical data is still very poor (only 5 good estimates and many
weak lower limits). On the other hand this demonstrates that even model with natal kicks decreasing with BH mass
may deliver a wide range of BH natal kicks. For low-mass BHs low and high kicks are expected as we draw them from
Maxwellian with high σ ≈ 265 km s−1. For high mass BHs, low to zero kicks are expected if a BH forms with high mass
(σ ≈ 0 km s−1), and higher kicks are expected for a BH that has formed at low-to-intermediate mass (σ ≈ 0–260 km s−1)
and then increased its mass via accretion from its companion.
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GW151226 was detected with a network matched-filter
SNR of 13 by both searches. Figure 2 shows the detection
statistic values assigned to GW151226 by the two searches
and their respective noise background distributions. At the
detection statistic value assigned to GW151226, the
searches estimate a false alarm probability of < 10−7

(> 5σ) [14] and 3.5 × 10−6 (4.5σ) [17] when including
candidate events in the background calculation. This
procedure strictly limits the probability of obtaining a false
positive outcome in the absence of signals [56]. The
estimates from the two searches are consistent with expect-
ations for a compact binary coalescence signal, given the
differences in methods of data selection and candidate
event ranking. When excluding search candidate events
from the background calculation, a procedure that yields a
mean-unbiased estimate of the distribution of noise events,
the significance is found to be greater than 5σ in both
searches. Further details of the noise background and
significance estimation methods for each search are given
in [18] and discussions specific to GW151226 are in [5].

V. SOURCE DISCUSSION

To estimate the source parameters, a coherent Bayesian
analysis [21,57] of the data was performed using two
families of waveform models. Both models are calibrated to
numerical simulations of binary black holes in general
relativity. One waveform model includes spin-induced
precession of the binary orbital plane [58], created by
rotating the model described in [59]. The other waveform
model restricts the component black hole spins to be
aligned with the binary orbital angular momentum
[42,43]. Both are publicly available [60]. Table I shows
source parameters for GW151226 including the initial and
final masses of the system. The parameter uncertainties
include statistical and systematic errors from averaging
posterior probability samples over the two waveform
models, in addition to calibration uncertainties. Here, we
report the median and 90% credible intervals.
The initial binary was composed of two stellar-mass black

holes with a source-frame primary mass m1 ¼ 14.2þ8.3
−3.7M⊙,

secondary mass m2 ¼ 7.5þ2.3
−2.3M⊙, and a total mass of

21.8þ5.9
−1.7M⊙. The binary merged into a black hole of mass

20.8þ6.1
−1.7M⊙, radiating 1.0þ0.1

−0.2M⊙c2 in gravitational waves
with a peak luminosity of 3.3þ0.8

−1.6 × 1056 erg=s. These
estimates of the mass and spin of the final black hole, the
total energy radiated in gravitational waves, and the peak
gravitational-wave luminosity are derived from fits to
numerical simulations [39,63–65]. The source localization
is refined to 850 deg2, owing to the different methods used
[21], and refined calibration.
The long inspiral phase of GW151226 allows accurate

estimates of lower-order post-Newtonian expansion param-
eters, such as the chirp mass [26,45]. However, only loose
constraints can be placed on the total mass and mass ratio

(m2=m1) because the merger and ringdown occur at
frequencies where the detectors are less sensitive.
Figure 3 shows the constraints on the component masses
of the initial black hole binary. The component masses

TABLE I. Source parameters for GW151226. We report median
values with 90% credible intervals that include statistical and
systematic errors from averaging results of the precessing and
nonprecessing spin waveform models. The errors also take into
account calibration uncertainties. Masses are given in the source
frame; to convert to the detector framemultiply by (1þ z) [61]. The
spins of the primary and secondary blackholes are constrained to be
positive. The source redshift assumes standard cosmology [62].
Further parameters of GW151226 are discussed in [5].

Primary black hole mass 14.2þ8.3
−3.7M⊙

Secondary black hole mass 7.5þ2.3
−2.3M⊙

Chirp mass 8.9þ0.3
−0.3M⊙

Total black hole mass 21.8þ5.9
−1.7M⊙

Final black hole mass 20.8þ6.1
−1.7M⊙

Radiated gravitational-wave energy 1.0þ0.1
−0.2M⊙c2

Peak luminosity 3.3þ0.8
−1.6 × 1056 erg=s

Final black hole spin 0.74þ0.06
−0.06

Luminosity distance 440þ180
−190 Mpc

Source redshift z 0.09þ0.03
−0.04

FIG. 3. Posterior density function for the source-frame masses
msource

1 (primary) and msource
2 (secondary). The one-dimensional

marginalized distributions include the posterior density functions
for the precessing (blue) and nonprecessing (red) spin waveform
models where average (black) represents the mean of the two
models. The dashed lines mark the 90% credible interval for the
average posterior density function. The two-dimensional plot
shows the contours of the 50% and 90% credible regions plotted
over a color-coded posterior density function.
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source parameters for GW151226 including the initial and
final masses of the system. The parameter uncertainties
include statistical and systematic errors from averaging
posterior probability samples over the two waveform
models, in addition to calibration uncertainties. Here, we
report the median and 90% credible intervals.
The initial binary was composed of two stellar-mass black

holes with a source-frame primary mass m1 ¼ 14.2þ8.3
−3.7M⊙,

secondary mass m2 ¼ 7.5þ2.3
−2.3M⊙, and a total mass of

21.8þ5.9
−1.7M⊙. The binary merged into a black hole of mass

20.8þ6.1
−1.7M⊙, radiating 1.0þ0.1

−0.2M⊙c2 in gravitational waves
with a peak luminosity of 3.3þ0.8

−1.6 × 1056 erg=s. These
estimates of the mass and spin of the final black hole, the
total energy radiated in gravitational waves, and the peak
gravitational-wave luminosity are derived from fits to
numerical simulations [39,63–65]. The source localization
is refined to 850 deg2, owing to the different methods used
[21], and refined calibration.
The long inspiral phase of GW151226 allows accurate

estimates of lower-order post-Newtonian expansion param-
eters, such as the chirp mass [26,45]. However, only loose
constraints can be placed on the total mass and mass ratio

(m2=m1) because the merger and ringdown occur at
frequencies where the detectors are less sensitive.
Figure 3 shows the constraints on the component masses
of the initial black hole binary. The component masses
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Boxing day event (GW151226)

follow a line of constant chirp mass 8.9þ0.3
−0.3M⊙, and

constrain the mass ratio to be greater than 0.28. The
posterior distribution is not consistent with component
masses below 4.5M⊙ (99% credible level). This is above
the theoretical maximum mass of a neutron star for
common equations of state [66,67]. Thus, both components
are identified as black holes.
Compact binary coalescences act as standard sirens

[68,69]. Their luminosity distance can be extracted from
the amplitude of an observed signal provided the orienta-
tion of the orbital plane can be determined. Information
about whether the orbit is face-on, edge-on, or in between is
encoded in the two polarizations of the gravitational wave.
However, the two LIGO detectors are nearly coaligned and
the source of GW151226 is likely to be located close to the
maxima of the directional responses of both detectors [3].
Consequently, it is difficult to extract the polarization
content, and therefore the orientation of the orbital plane.
As a result, the luminosity distance is only weakly con-
strained to be 440þ180

−190 Mpc, corresponding to a redshift of
0.09þ0.03

−0.04 assuming a flat ΛCDM cosmology [62].
Component spins affect the relativistic motion of the

binary but often have only subtle effects on the gravita-
tional waveform. Therefore, we can only extract limited
information about the spins. Figure 4 (left) shows the
probability density functions of the mass-weighted combi-
nations of orbit-aligned spins χeff [70,71] and in-plane
spins χp [72] for the precessing spin waveform model. The
same figure (right) shows the individual spins of the
component black holes. The posterior density functions

inferred from the precessing and nonprecessing spin wave-
form models indicate that χeff is positive at greater than the
99% credible level; therefore, at least one of the black holes
has nonzero spin. We find that at least one black hole has a
spin magnitude greater than 0.2 at the 99% credible level.
Only weak constraints can be placed on χp, suggesting that
the data are not informative regarding spin-precession
effects [5].
To test whether GW151226 is consistent with general

relativity, we allow the coefficients that describe the
waveform (which are derived as functions of the source
parameters from the post-Newtonian approximation
[26–28] and from fits to numerical relativity simulations)
to deviate from their nominal values, and check whether
the resulting waveforms are consistent with the data [73].
The posterior probability densities of the coefficients
are found to center on their general relativity values.
Additionally, both the offsets and widths of the posteriors
for the post-Newtonian inspiral coefficients decrease sig-
nificantly when analyzing GW150914 and GW151226
jointly, in some cases to the 10% level, as discussed in [5].
The waveform models used are consistent with general

relativity simulations. Figure 5 shows GW151226’s wave-
form reconstruction (90% credible region as in [57]) using
the nonprecessing spin templates employed to find the
signal and extract parameters, plotted during the time
interval with the most significant SNR. Also shown is a
direct numerical solution of Einstein’s equations [38,74,75]
for a binary black hole with parameters near the peak of the
parameter estimation posterior.

FIG. 4. Left: Posterior density function for the χp and χeff spin parameters (measured at 20 Hz) compared to their prior distributions.
The one-dimensional plot shows probability contours of the prior (green) and marginalized posterior density function (black) [58,59].
The two-dimensional plot shows the contours of the 50% and 90% credible regions plotted over a color-coded posterior density
function. The dashed lines mark the 90% credible interval. Right: Posterior density function for the dimensionless component spins,
cS1=ðGm2

1Þ and cS2=ðGm2
2Þ, relative to the normal of the orbital plane L̂. Si and mi are the spin angular momenta and masses of the

primary (i¼ 1) and secondary (i¼ 2) black holes, c is the speed of light and G is the gravitational constant. The posterior density
functions are marginalized over the azimuthal angles. The bins are designed to have equal prior probability; they are constructed linearly
in spin magnitudes and the cosine of the tilt angles cos−1ðŜi · L̂Þ.
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common equations of state [66,67]. Thus, both components
are identified as black holes.
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However, the two LIGO detectors are nearly coaligned and
the source of GW151226 is likely to be located close to the
maxima of the directional responses of both detectors [3].
Consequently, it is difficult to extract the polarization
content, and therefore the orientation of the orbital plane.
As a result, the luminosity distance is only weakly con-
strained to be 440þ180

−190 Mpc, corresponding to a redshift of
0.09þ0.03

−0.04 assuming a flat ΛCDM cosmology [62].
Component spins affect the relativistic motion of the

binary but often have only subtle effects on the gravita-
tional waveform. Therefore, we can only extract limited
information about the spins. Figure 4 (left) shows the
probability density functions of the mass-weighted combi-
nations of orbit-aligned spins χeff [70,71] and in-plane
spins χp [72] for the precessing spin waveform model. The
same figure (right) shows the individual spins of the
component black holes. The posterior density functions

inferred from the precessing and nonprecessing spin wave-
form models indicate that χeff is positive at greater than the
99% credible level; therefore, at least one of the black holes
has nonzero spin. We find that at least one black hole has a
spin magnitude greater than 0.2 at the 99% credible level.
Only weak constraints can be placed on χp, suggesting that
the data are not informative regarding spin-precession
effects [5].
To test whether GW151226 is consistent with general

relativity, we allow the coefficients that describe the
waveform (which are derived as functions of the source
parameters from the post-Newtonian approximation
[26–28] and from fits to numerical relativity simulations)
to deviate from their nominal values, and check whether
the resulting waveforms are consistent with the data [73].
The posterior probability densities of the coefficients
are found to center on their general relativity values.
Additionally, both the offsets and widths of the posteriors
for the post-Newtonian inspiral coefficients decrease sig-
nificantly when analyzing GW150914 and GW151226
jointly, in some cases to the 10% level, as discussed in [5].
The waveform models used are consistent with general

relativity simulations. Figure 5 shows GW151226’s wave-
form reconstruction (90% credible region as in [57]) using
the nonprecessing spin templates employed to find the
signal and extract parameters, plotted during the time
interval with the most significant SNR. Also shown is a
direct numerical solution of Einstein’s equations [38,74,75]
for a binary black hole with parameters near the peak of the
parameter estimation posterior.

FIG. 4. Left: Posterior density function for the χp and χeff spin parameters (measured at 20 Hz) compared to their prior distributions.
The one-dimensional plot shows probability contours of the prior (green) and marginalized posterior density function (black) [58,59].
The two-dimensional plot shows the contours of the 50% and 90% credible regions plotted over a color-coded posterior density
function. The dashed lines mark the 90% credible interval. Right: Posterior density function for the dimensionless component spins,
cS1=ðGm2

1Þ and cS2=ðGm2
2Þ, relative to the normal of the orbital plane L̂. Si and mi are the spin angular momenta and masses of the

primary (i¼ 1) and secondary (i¼ 2) black holes, c is the speed of light and G is the gravitational constant. The posterior density
functions are marginalized over the azimuthal angles. The bins are designed to have equal prior probability; they are constructed linearly
in spin magnitudes and the cosine of the tilt angles cos−1ðŜi · L̂Þ.
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FIG. 1. Comparing kick-induced misalignments with GW151226. Left: Contour plot of the cumulative probability
distribution P (� < �⇤) of the spin misalignment � produced by the first SN kick in a binary similar to the progenitor of
GW151226. The binary kick is assumed to be drawn from a Maxwellian distribution characterized by �, which enters our
predictions only through its ratio with the binary orbital velocity v. For a sense of scale, horizontal dashed lines are drawn
at � = 25� and � = 80� as found for GW151226 [1]. Right : Fraction of surviving binaries with spin misalignment consistent
with GW151226 as a function of the dimensionless kick magnitude �/v. The lighter pink line shows P (� < 80�)� P (� < 25�)
from our Monte Carlo runs, while the darker red curve shows a polynomial fit. For context, the horizontal dashed line
shows (cos 25� � cos 80�)/2, as expected from random spin-orbit alignment, while the horizontal dotted line corresponds to
(80� � 25�)/180�, as expected in the limit of large �. As SN natal kicks increase in magnitude, the fraction with misalignment
consistent with GW151226 first increases substantially, as most surviving binaries have been modestly kicked relative to their
orbital speed.
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FIG. 2. Kick velocities consistent with GW151226 misalignment: Left : Cumulative distribution hP (� < �⇤)i averaged
over masses and separations as a function of misalignment angle cos � and physical kick strength �. The top axis shows the
correspondent 3D root-mean-square velocity
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3�. Right : Di↵erence hP (� < 80�)� P (� < 25�)i versus � and
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illustrating how the expected fraction of binaries with misalignments consistent with GW15226 changes with the characteristic
natal kick magnitude. The lighter pink line shows results of our Monte Carlo runs, while the darker red curve correspond to a
polynomial fit. Vertical green dotted lines are drawn at � ' 26, 36 and 92 km/s, corresponding to probabilities of 5%, 10% and
30%; the dashed blue line at � = 265 km/s marks the typical kick magnitude imparted to neutron stars [12].

First GW kick measurement!
O’Shaugnessy, DG+2017

• kick: 
• mass loss: 
• Orbital plant tilt 
• Kick distribution 1d RMS
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FIG. 1. Comparing kick-induced misalignments with GW151226. Left: Contour plot of the cumulative probability
distribution P (� < �⇤) of the spin misalignment � produced by the first SN kick in a binary similar to the progenitor of
GW151226. The binary kick is assumed to be drawn from a Maxwellian distribution characterized by �, which enters our
predictions only through its ratio with the binary orbital velocity v. For a sense of scale, horizontal dashed lines are drawn
at � = 25� and � = 80� as found for GW151226 [1]. Right : Fraction of surviving binaries with spin misalignment consistent
with GW151226 as a function of the dimensionless kick magnitude �/v. The lighter pink line shows P (� < 80�)� P (� < 25�)
from our Monte Carlo runs, while the darker red curve shows a polynomial fit. For context, the horizontal dashed line
shows (cos 25� � cos 80�)/2, as expected from random spin-orbit alignment, while the horizontal dotted line corresponds to
(80� � 25�)/180�, as expected in the limit of large �. As SN natal kicks increase in magnitude, the fraction with misalignment
consistent with GW151226 first increases substantially, as most surviving binaries have been modestly kicked relative to their
orbital speed.
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natal kick magnitude. The lighter pink line shows results of our Monte Carlo runs, while the darker red curve correspond to a
polynomial fit. Vertical green dotted lines are drawn at � ' 26, 36 and 92 km/s, corresponding to probabilities of 5%, 10% and
30%; the dashed blue line at � = 265 km/s marks the typical kick magnitude imparted to neutron stars [12].

Probability of obtaining boxing day 
as a function of BH natal kick

v ! v + vk

M ! Mf = �M

Newtonian kinematics:
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reported observation of GW151226. This is the less mas-
sive of the two confirmed GW detections, where nonzero
natal kicks are more likely. Leaving complicated binary
evolution physics aside, we show how to translate the
spin misalignments reported by LIGO into concrete con-
straints on the strength of the first SN kick.

Observations of GW151226– The LIGO and Virgo Col-
laborations characterized GW151226 as a binary BH,
with component masses 14.2+8.3

�3.7M� and 7.5+2.3
�2.3M� [32].

The right panel of their Figure 4 provides a posterior dis-
tribution on the magnitude and orientation of the two BH
spins, relative to the orbital angular momentum. Their
analysis suggests both that the more massive BH likely
had nonzero spin and, critically, that this spin was most
likely modestly misaligned with the orbital angular mo-
mentum, with a misalignment angle � ranging between
25� and 80�.

Because of significant precession, the spin-orbit mis-
alignments which LIGO directly measures and reports,
corresponding to GW frequencies of 20 Hz, in princi-
ple must be evolved backwards in time to identify the
spin orientations when the BHs first formed [28, 29]. Al-
though this process turns out to be crucial to extract
astrophysical information from full GW data, its details
are not important for this study where we only focus
on loose constraints on the measured spin direction (i.e.
25� . � . 80�). Moreover, in the simple assumption
adopted here where additional alignment processes (such
as tidal interactions) are neglected, previous work showed
there is no net tendency to align or anti-align the BH
spins [10]. This is a crucial point which will be specifi-
cally addressed in future work.

Formation and misalignment of GW151226 from isolated

evolution– GW151226 could have formed from the evo-
lution of a pair of isolated massive stars “in the field” [1].
Concrete formation scenarios for this event can be easily
extracted from exhaustive simulations of binary evolution
over cosmic time [2] (the evolutionary scenarios described
here are drawn from the publicly available “Synthetic
Universe”1). As a representative example, GW151226
could have formed from a pair of 53M� and 25M� stars,
initially in a relatively close and modestly elliptical orbit
with semimajor axis R = 4000R�; as the stars evolve
and the more massive star transfers and loses mass, the
binary evolves to a 22M� helium star and a 26M� com-
panion in a modestly tighter and circularized orbit of
900R�; the primary then undergoes a SN explosion, los-
ing a small amount of mass to form a 19.7M� BH. The
kick following this first explosion tilts the orbital plane,
changing relative alignment between the orbital plane
and the BH’s spin direction – presumed to be parallel
to the pre-explosion orbital angular momentum. Subse-
quent phases of stellar interaction – notably, when the

1 www.syntheticuniverse.org.

BH spirals through the envelope of the secondary star,
stripping it and leaving behind a helium core – cause the
binary to progress to a much tighter circular orbit of a
few R� prior to the second SN. Because the common-
evelope phase typically shrinks the orbital separation of
a factor & 100, the orbital velocity v =

p
GM/R (where

M is the binary’s total mass) at the second SN event is
typically an order of magnitude larger than the velocity
prior to the first. Since the e↵ect of the kick onto the
binary only depends on the ratio vk/v (see below), this
second SN has a minimal impact on the misalignment
of the orbital angular momentum [10]. If SN kicks are
indeed responsible for the observed misaligned primary
BH in GW151226, it is likely this formed during the first
SN. Moreover, the first-born BH accretes too little matter
to appreciably change its angular momentum direction,
even during the common-envelope phase [33, 34].

Spin-orbit misalignment from natal kicks– The orbital-
plane tilt angle introduced by the first SN kick can be cal-
culated using simple Newtonian kinematics [10, 11]. For
simplicity, here we only study the typical case in which
strong binary interactions have circularized the pre-SN
orbit [35]. We likewise assume for simplicity the initially
most massive object undergoes the first SN explosion. If
r = r2 � r1 is the relative orbital separation, v = dr/dt
is the orbital velocity and vk is the imparted kick veloc-
ity, then the orbital angular momentum per unit reduced
mass changes from L/µ = r⇥vk to Lf/µf = r⇥(v+vk),
where µf 6= µ because of mass loss during the explosion.
The orbital plane tilt � reads

cos � = L̂ · L̂f =
(v + vk) · v̂q

(v + vk · v̂)2 + (vk · L̂)2
. (1)

Assuming the spin of the collapsing star S was aligned to
the orbital angular momentum before the explosion (i.e.
Ŝ = L̂), � also equals the spin misalignment angle of the
newly-formed BH. If the kick imparted by the explosion is
su�ciently large, the post-SN eccentricity exceeds unity
and the binary does not remain bound. If � = Mf/M
denotes the fraction of total mass retained by the binary
after the explosion, disruption occurs if F (vk) < 0 where

F (vk) = 2� � 1 �
|vk|

2

v2
� 2

vk · v

v2
. (2)

Finally, the cumulative distribution of the misalignment
angle � between pre- and post-SN angular momenta can
be expressed as

P (� < �⇤) =

R
dvk p(vk)⇥[�⇤ � �(vk)]⇥[F (vk)]R

dvk p(vk)⇥[F (vk)]
(3)

where ⇥(x) is the Heavyside step function and p(vk) is
the kick velocity probability distribution. For simplic-
ity, in the following we assume p(vk) is an isotropic
Maxwellian distribution characterized by a single 1D
width � (corresponding a mean square velocity hv2ki =
3�3), as found for neutron stars [12]. Motivated by the

�

Average over stellar population
Belczynski+2016

• Towards those X-ray measurements?  
• Such high kicks are challenging for SN theorists!

GW151226 consistent only 
with a natal kick of at least 

vk ⇠ 50km/s
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Orthogonal, but complementary, direction 
to the usual field vs. cluster debate
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Spins, 1st and 2nd generations

• At merger, the binary’s orbital 
angular momentum has to be 
converted into spin 

• More or less whatever you do when 
you merge two BHs, you get ~0.7!
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More mergers means…
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Can we infer previous mergers happened?

Need only 10-60 observations to distinguish 1g+1g vs 2g+2g at 5σ!
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Can we infer previous mergers happened?

Yes, but that’s harder. 
Need O(100) 
observations and/or a 
better detector!
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FIG. 7. Posterior distribution of the mixing fraction between the 1g+1g, 2g+2g and 1g+2g pure models. Each triangle shows
the model space defined by

P
f = 1 for a given realization of Nobs = 100 observations. The corners corresponds to the three

pure models. The black star marks the “true” injected value of the mixing fractions. Each of the injected mixing fractions
is constant along one of the dashed lines. The log-likelihood is shown in the color map: lighter regions are more likely than
darker regions. Solid black contours mark the 50% and 90% confidence regions.

Three models mixed, 
can we measure their 
mixing fraction?

• each pure model is on a corner 
• assuming 100 BBH 
• 90% and 50% confidence intervals
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III PARAMETER INFERENCE

FIG. 3. A Mollweide projection of the posterior probability
density for the location of the source in equatorial coordinates
(right ascension is measured in hours and declination is mea-
sured in degrees). The location broadly follows an annulus
corresponding to a time delay of ⇠ 3.0+0.4

�0.5 ms between the
Hanford and Livingston observatories. We estimate that the
area of the 90% credible region is ⇠ 1200 deg2.

FIG. 4. Posterior probability density for the source luminos-
ity distance DL and the binary inclination ✓JN . The one-
dimensional distributions include the posteriors for the two
waveform models, and their average (black). The dashed lines
mark the 90% credible interval for the average posterior. The
two-dimensional plot shows the 50% and 90% credible regions
plotted over the posterior density function.

values because of the greater preference for spins with
components antialigned with the orbital angular momen-
tum.

The final calibration uncertainty is su�ciently small
to not significantly a↵ect results. To check the impact
of calibration uncertainty, we repeated the analysis using
the e↵ective-precession waveform without marginalising

FIG. 5. Posterior probability densities for the e↵ective in-
spiral spin �e↵ for GW170104, GW150914, LVT151012 and
GW151226 [13], together with the prior probability distri-
bution for GW170104. The distribution for GW170104 uses
both precessing waveform models, but, for ease of compari-
son, the others use only the e↵ective-precession model. The
prior distributions vary between events, as a consequence of
di↵erent mass ranges, but the di↵erence is negligible on the
scale plotted.

FIG. 6. Posterior probability density for the final black hole
mass Mf and spin magnitude af . The one-dimensional dis-
tributions include the posteriors for the two waveform mod-
els, and their average (black). The dashed lines mark the
90% credible interval for the average posterior. The two-
dimensional plot shows the 50% and 90% credible regions
plotted over the posterior density function.
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�e↵• Everything derived using priors with isotropic spins! 
• Risky situation: our prior is one of the models we 

are trying to discriminate!

LIGO/Virgo Collaboration

4

�1.0 �0.8 �0.6 �0.4 �0.2 0.0 0.2 0.4 0.6 0.8 1.0
�e�

0

1

2

3

4

5

6

p(
�

e�
)

PriorP1

P2

P3

P4

P5

P6

P7

P8

FIG. 1. Marginalized prior and posterior distributions on �e↵ for each of the current GW events. Dashed black line shows
results obtained with canonical prior choice P1 (uniform in masses, spin magnitude and isotropic in spin directions), while
lighter colored lines shows our alternative prior assumptions P2 � P8. In particular, the event GW150914 is compatible with
non spinning BHs, while �e↵ < 0 is excluded at the 99% credible level for GW151226 for all prior choices.

FIG. 2. Posterior distribution for the individual masses m1

and m2 (with m2 < m1) derived using the canonical prior P1

and two other choices motivated by stellar physics (P6 and
P7). For GW151226, the region m2 < 5M� is excluded at
> 99% probability for both P6 and P7.

larger prior support for binary mass ratio close to unity
compared to P1. This additional weight at comparable
masses has a visible e↵ect on the posteriors. While pre-
senting odds similar to P1, the resulting posterior distri-
butions for P6 and P7 now prefer the region closer to the
m1 = m2 line in Fig. 2. In particular, when GW151226

is analyzed with any of these two priors, the 99% cred-
ible interval for the source-frame mass of the secondary
object is above 5M�.

This point is of striking astrophysical importance.
Electromagnetic observations of neutron stars and
stellar-mass BHs (c.f. [39] and references therein) hint at
a putative mass gap between highest neutron star masses
(m . 3M�) and the lowest BH masses (m & 5M�). Cur-
rent measurements, however, are not conclusive since the
lack of BHs at lower masses could be entirely due to
selection e↵ects [57]. The confirmation or exclusion of
the mass gap by GW observations is expected to provide
unique insights on stellar collapse and compact-object
formation [58]. Figure 2 shows that, when analyzed with
priors motivated by stellar physics like Kroupa’s initial
mass function, GW data for GW151226 are fully consis-
tent with the existence of a mass gap. Both P6 and P7

are slightly favored over the default prior, with O ⇡ 2.5.
A careful considerations of priors may thus be important
to securely discriminate between BHs and neutron stars
[59–63] and thus establish the presence of the mass gap
between the two classes of sources.

Finally, we have verified that the marginalized chirp
mass posteriors are stable over the change of priors. For
GW150914, all cases except P5 (which however presents
lower odds, see Table I) yield posterior medians within
a ⇠ 0.5M� interval. The median for P5 is 1M� larger
than that of P1 (for comparison the 90% credible interval
for the P1 run is ⇠ 3M�). For GW151226, all runs yield

Default: everything is uniform and isotropic 
Spins uniform in BH rotational energy 
Spins uniform in volume  
Bimodal in the spin magnitudes 
Spins preferentially aligned 
Stellar initial mass function 
Stellar initial mass function v2 
Small spin magnitudes 
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non spinning BHs, while �e↵ < 0 is excluded at the 99% credible level for GW151226 for all prior choices.
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ible interval for the source-frame mass of the secondary
object is above 5M�.

This point is of striking astrophysical importance.
Electromagnetic observations of neutron stars and
stellar-mass BHs (c.f. [39] and references therein) hint at
a putative mass gap between highest neutron star masses
(m . 3M�) and the lowest BH masses (m & 5M�). Cur-
rent measurements, however, are not conclusive since the
lack of BHs at lower masses could be entirely due to
selection e↵ects [57]. The confirmation or exclusion of
the mass gap by GW observations is expected to provide
unique insights on stellar collapse and compact-object
formation [58]. Figure 2 shows that, when analyzed with
priors motivated by stellar physics like Kroupa’s initial
mass function, GW data for GW151226 are fully consis-
tent with the existence of a mass gap. Both P6 and P7

are slightly favored over the default prior, with O ⇡ 2.5.
A careful considerations of priors may thus be important
to securely discriminate between BHs and neutron stars
[59–63] and thus establish the presence of the mass gap
between the two classes of sources.

Finally, we have verified that the marginalized chirp
mass posteriors are stable over the change of priors. For
GW150914, all cases except P5 (which however presents
lower odds, see Table I) yield posterior medians within
a ⇠ 0.5M� interval. The median for P5 is 1M� larger
than that of P1 (for comparison the 90% credible interval
for the P1 run is ⇠ 3M�). For GW151226, all runs yield

Hold on… How about the prior?

Vitale, DG+ 2017

First independent reanalysis 
of the LIGO data



Impact on inferred BH spins

• GW151226 not consistent with zero spins (robust!) 
• The bimodal spin prior choses the high spin mode. 

Support misalignment. 
• All others fully consistent with zero spins (robust!) 
• More severe issues for low SNR like LVT
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FIG. 1. Marginalized prior and posterior distributions on �e↵ for each of the current GW events. Dashed black line shows
results obtained with canonical prior choice P1 (uniform in masses, spin magnitude and isotropic in spin directions), while
lighter colored lines shows our alternative prior assumptions P2 � P8. In particular, the event GW150914 is compatible with
non spinning BHs, while �e↵ < 0 is excluded at the 99% credible level for GW151226 for all prior choices.

FIG. 2. Posterior distribution for the individual masses m1

and m2 (with m2 < m1) derived using the canonical prior P1

and two other choices motivated by stellar physics (P6 and
P7). For GW151226, the region m2 < 5M� is excluded at
> 99% probability for both P6 and P7.

larger prior support for binary mass ratio close to unity
compared to P1. This additional weight at comparable
masses has a visible e↵ect on the posteriors. While pre-
senting odds similar to P1, the resulting posterior distri-
butions for P6 and P7 now prefer the region closer to the
m1 = m2 line in Fig. 2. In particular, when GW151226

is analyzed with any of these two priors, the 99% cred-
ible interval for the source-frame mass of the secondary
object is above 5M�.

This point is of striking astrophysical importance.
Electromagnetic observations of neutron stars and
stellar-mass BHs (c.f. [39] and references therein) hint at
a putative mass gap between highest neutron star masses
(m . 3M�) and the lowest BH masses (m & 5M�). Cur-
rent measurements, however, are not conclusive since the
lack of BHs at lower masses could be entirely due to
selection e↵ects [57]. The confirmation or exclusion of
the mass gap by GW observations is expected to provide
unique insights on stellar collapse and compact-object
formation [58]. Figure 2 shows that, when analyzed with
priors motivated by stellar physics like Kroupa’s initial
mass function, GW data for GW151226 are fully consis-
tent with the existence of a mass gap. Both P6 and P7

are slightly favored over the default prior, with O ⇡ 2.5.
A careful considerations of priors may thus be important
to securely discriminate between BHs and neutron stars
[59–63] and thus establish the presence of the mass gap
between the two classes of sources.

Finally, we have verified that the marginalized chirp
mass posteriors are stable over the change of priors. For
GW150914, all cases except P5 (which however presents
lower odds, see Table I) yield posterior medians within
a ⇠ 0.5M� interval. The median for P5 is 1M� larger
than that of P1 (for comparison the 90% credible interval
for the P1 run is ⇠ 3M�). For GW151226, all runs yield

Vitale, DG+ 2017

Variations in the 90% 
confidence interval 

up to ~20%!
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FIG. 2. Posterior distribution for the individual masses m1

and m2 (with m2 < m1) derived using the canonical prior P1

and two other choices motivated by stellar physics (P6 and
P7). For GW151226, the region m2 < 5M� is excluded at
> 99% probability for both P6 and P7.

larger prior support for binary mass ratio close to unity
compared to P1. This additional weight at comparable
masses has a visible e↵ect on the posteriors. While pre-
senting odds similar to P1, the resulting posterior distri-
butions for P6 and P7 now prefer the region closer to the
m1 = m2 line in Fig. 2. In particular, when GW151226

is analyzed with any of these two priors, the 99% cred-
ible interval for the source-frame mass of the secondary
object is above 5M�.

This point is of striking astrophysical importance.
Electromagnetic observations of neutron stars and
stellar-mass BHs (c.f. [42] and references therein) hint at
a putative mass gap between highest neutron star masses
(m . 3M�) and the lowest BH masses (m & 5M�). Cur-
rent measurements, however, are not conclusive since the
lack of BHs at lower masses could be entirely due to
selection e↵ects [60]. The confirmation or exclusion of
the mass gap by GW observations is expected to provide
unique insights on stellar collapse and compact-object
formation [61]. Figure 2 shows that, when analyzed with
priors motivated by stellar physics like Kroupa’s initial
mass function, GW data for GW151226 are fully consis-
tent with the existence of a mass gap. Both P6 and P7

are slightly favored over the default prior, with O ⇡ 2.5.
A careful considerations of priors may thus be important
to securely discriminate between BHs and neutron stars
[62–67] and thus establish the presence of the mass gap
between the two classes of sources.

Finally, we have verified that the marginalized chirp
mass posteriors are stable over the change of priors. For
GW150914, all cases except P5 (which however presents
lower odds, see Table I) yield posterior medians within
a ⇠ 0.5M� interval. The median for P5 is 1M� larger
than that of P1 (for comparison the 90% credible interval
for the P1 run is ⇠ 3M�). For GW151226, all runs yield

Impact on inferred BH masses

• Data tends to favor more equal 
mass systems 

• …especially if info from dynamical 
interactions are in 

Vitale, DG+ 2017

Default: everything is uniform and isotropic 
Stellar IMF, uniform mass ratio 
Stellar IMF, logistic mass ratio 
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non spinning BHs, while �e↵ < 0 is excluded at the 99% credible level for GW151226 for all prior choices.
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and two other choices motivated by stellar physics (P6 and
P7). For GW151226, the region m2 < 5M� is excluded at
> 99% probability for both P6 and P7.

larger prior support for binary mass ratio close to unity
compared to P1. This additional weight at comparable
masses has a visible e↵ect on the posteriors. While pre-
senting odds similar to P1, the resulting posterior distri-
butions for P6 and P7 now prefer the region closer to the
m1 = m2 line in Fig. 2. In particular, when GW151226

is analyzed with any of these two priors, the 99% cred-
ible interval for the source-frame mass of the secondary
object is above 5M�.

This point is of striking astrophysical importance.
Electromagnetic observations of neutron stars and
stellar-mass BHs (c.f. [42] and references therein) hint at
a putative mass gap between highest neutron star masses
(m . 3M�) and the lowest BH masses (m & 5M�). Cur-
rent measurements, however, are not conclusive since the
lack of BHs at lower masses could be entirely due to
selection e↵ects [60]. The confirmation or exclusion of
the mass gap by GW observations is expected to provide
unique insights on stellar collapse and compact-object
formation [61]. Figure 2 shows that, when analyzed with
priors motivated by stellar physics like Kroupa’s initial
mass function, GW data for GW151226 are fully consis-
tent with the existence of a mass gap. Both P6 and P7

are slightly favored over the default prior, with O ⇡ 2.5.
A careful considerations of priors may thus be important
to securely discriminate between BHs and neutron stars
[62–67] and thus establish the presence of the mass gap
between the two classes of sources.

Finally, we have verified that the marginalized chirp
mass posteriors are stable over the change of priors. For
GW150914, all cases except P5 (which however presents
lower odds, see Table I) yield posterior medians within
a ⇠ 0.5M� interval. The median for P5 is 1M� larger
than that of P1 (for comparison the 90% credible interval
for the P1 run is ⇠ 3M�). For GW151226, all runs yield

Sana+ 2012

Rodriguez+ 2016

If you insert the analysis the information 
that BH should come from stars:…

• Chirp mass (GW151226 and 
LVT151012), total mass (GW150914) 
are very solid.  

• Median change of 
• But component masses are not

⇠ 0.1M�

Is there a mass gap 
between BHs and NSs?

Miller & Miller 2015; Kreidberg 2012
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The future is bright and loud
Einstein Telescope, Cosmic ExplorerLISA 

Pulsar timing arrays (PTA) 



LISA: the next revolution

� *OUSPEVDUJPO

ćF HSPVOECSFBLJOH EJTDPWFSZ PG (SBWJUBUJPOBM 8BWFT
	(8T
 CZ HSPVOE�CBTFE MBTFS JOUFSGFSPNFUSJD EFUFD�
UPST JO ���� JT DIBOHJOH BTUSPOPNZ <�> CZ PQFOJOH
UIF IJHI�GSFRVFODZ HSBWJUBUJPOBM XBWF XJOEPX UP PC�
TFSWF MPX NBTT TPVSDFT BU MPX SFETIJę� ćF 4FOJPS
4VSWFZ $PNNJUUFF 	44$
 <�> TFMFDUFE UIF -� TDJFODF
UIFNF ćF (SBWJUBUJPOBM 6OJWFSTF <�> UP PQFO UIF ���
UP ���N)[ (SBWJUBUJPOBM 8BWF XJOEPX UP UIF 6OJ�
WFSTF� ćJT MPX�GSFRVFODZ XJOEPX JT SJDI JO B WBSJFUZ
PG TPVSDFT UIBU XJMM MFU VT TVSWFZ UIF 6OJWFSTF JO B OFX
BOE VOJRVF XBZ ZJFMEJOH OFX JOTJHIUT JO B CSPBE SBOHF
PG UIFNFT JO BTUSPQIZTJDT BOE DPTNPMPHZ BOE FOBCMJOH
VT JO QBSUJDVMBS UP TIFE MJHIU PO UXP LFZ RVFTUJPOT� 	�

)PX XIFO BOE XIFSF EP UIF ĕSTU NBTTJWF CMBDL IPMFT
GPSN HSPX BOE BTTFNCMF BOE XIBU JT UIF DPOOFDUJPO
XJUI HBMBYZ GPSNBUJPO 	�
 8IBU JT UIF OBUVSF PG HSBW�
JUZ OFBS UIF IPSJ[POT PG CMBDL IPMFT BOE PO DPTNPMPHJ�
DBM TDBMFT 
8F QSPQPTF UIF -*4" NJTTJPO JO PSEFS UP SFTQPOE UP
UIJT TDJFODF UIFNF JO UIF CSPBEFTU XBZ QPTTJCMF XJUIJO
UIF DPOTUSBJOFE CVEHFU BOE HJWFO TDIFEVMF� -*4" FO�
BCMFT UIF EFUFDUJPO PG (8T GSPN NBTTJWF CMBDL IPMF
DPBMFTDFODFT XJUIJO B WBTU DPTNJD WPMVNF FODPNQBTT�
JOH BMM BHFT GSPN DPTNJD EBXO UP UIF QSFTFOU BDSPTT
UIF FQPDIT PG UIF FBSMJFTU RVBTBST BOE PG UIF SJTF PG
HBMBYZ TUSVDUVSF� ćF NFSHFS�SJOHEPXO TJHOBM PG UIFTF
MPVE TPVSDFT FOBCMFT UFTUT PG &JOTUFJO�T (FOFSBM ćFPSZ
PG 3FMBUJWJUZ 	(3
 JO UIF EZOBNJDBM TFDUPS BOE TUSPOH�
ĕFME SFHJNF XJUI VOQSFDFEFOUFE QSFDJTJPO� -*4" XJMM
NBQ UIF TUSVDUVSF PG TQBDFUJNF BSPVOE UIF NBTTJWF
CMBDL IPMFT UIBU QPQVMBUF UIF DFOUSFT PG HBMBYJFT VTJOH
TUFMMBS DPNQBDU PCKFDUT BT UFTU QBSUJDMF�MJLF QSPCFT� ćF
TBNF TJHOBMT XJMM BMTP BMMPX VT UP QSPCF UIF QPQVMBUJPO
PG UIFTF NBTTJWF CMBDL IPMFT BT XFMM BT BOZ DPNQBDU PC�
KFDUT JO UIFJS WJDJOJUZ� " TUPDIBTUJD (8 CBDLHSPVOE PS
FYPUJD TPVSDFT NBZ QSPCF OFX QIZTJDT JO UIF FBSMZ 6OJ�
WFSTF� "EEFE UP UIJT MJTU PG TPVSDFT BSF UIF OFXMZ EJTDPW�
FSFE -*(0�7JSHP IFBWZ TUFMMBS�PSJHJO CMBDL IPMF NFSH�
FST XIJDIXJMM FNJU(8T JO UIF -*4"CBOE GSPN TFWFSBM
ZFBST VQ UP B XFFL QSJPS UP UIFJS NFSHFS FOBCMJOH DPPS�
EJOBUFE PCTFSWBUJPOT XJUI HSPVOE�CBTFE JOUFSGFSPNF�
UFST BOE FMFDUSPNBHOFUJD UFMFTDPQFT� ćF WBTU NBKPSJUZ
PG TJHOBMT XJMM DPNF GSPN DPNQBDU HBMBDUJD CJOBSZ TZT�
UFNT XIJDI BMMPX VT UP NBQ UIFJS EJTUSJCVUJPO JO UIF
.JMLZ 8BZ BOE JMMVNJOBUF TUFMMBS BOE CJOBSZ FWPMVUJPO�
-*4" CVJMET PO UIF TVDDFTT PG -*4" 1BUIĕOEFS
	-1'
 <�> UXFOUZ ZFBST PG UFDIOPMPHZ EFWFMPQNFOU
BOE UIF (SBWJUBUJPOBM 0CTFSWBUPSZ "EWJTPSZ 5FBN
	(0"5
 SFDPNNFOEBUJPOT� -*4" XJMM VTF UISFF BSNT

BOE UISFF JEFOUJDBM TQBDFDSBę 	4�$
 JO B USJBOHVMBS GPS�
NBUJPO JO B IFMJPDFOUSJD PSCJU USBJMJOH UIF &BSUI CZ
BCPVU ��○� ćF FYQFDUFE TFOTJUJWJUZ BOE TPNF QPUFO�
UJBM TJHOBMT BSF TIPXO JO 'JHVSF ��

'JHVSF �� &YBNQMFT PG (8 TPVSDFT JO UIF GSF�
RVFODZ SBOHF PG -*4" DPNQBSFE XJUI JUT TFOTJ�
UJWJUZ GPS B ��BSNDPOĕHVSBUJPO� ćFEBUB BSF QMPU�
UFE JO UFSNT PG EJNFOTJPOMFTT ADIBSBDUFSJTUJD TUSBJO
BNQMJUVEF� <�>� ćF USBDLT PG UISFF FRVBMNBTT CMBDL
IPMF CJOBSJFT MPDBUFE BU z = 3 XJUI UPUBM JOUSJO�
TJD NBTTFT 107 106 BOE 105M⊙ BSF TIPXO� ćF
TPVSDF GSFRVFODZ 	BOE 4/3
 JODSFBTFT XJUI UJNF
BOE UIF SFNBJOJOH UJNF CFGPSF UIF QMVOHF JT JOEJ�
DBUFE PO UIF USBDLT� ćF � TJNVMUBOFPVTMZ FWPMW�
JOH IBSNPOJDT PG BO &YUSFNF .BTT 3BUJP *OTQJSBM
TPVSDF BU z = 1.2 BSF BMTP TIPXO BT BSF UIF USBDLT PG
B OVNCFS PG TUFMMBS PSJHJO CMBDL IPMF CJOBSJFT PG UIF
UZQF EJTDPWFSFE CZ -*(0� 4FWFSBM UIPVTBOE HBMBD�
UJD CJOBSJFT XJMM CF SFTPMWFE BęFS B ZFBS PG PCTFS�
WBUJPO� 4PNF CJOBSZ TZTUFNT BSF BMSFBEZ LOPXO
BOE XJMM TFSWF BT WFSJĕDBUJPO TJHOBMT� .JMMJPOT PG
PUIFS CJOBSJFT SFTVMU JO B ADPOGVTJPO TJHOBM� XJUI B
EFUFDUFE BNQMJUVEF UIBU JT NPEVMBUFE CZ UIF NP�
UJPO PG UIF DPOTUFMMBUJPO PWFS UIF ZFBS� UIF BWFSBHF
MFWFM JT SFQSFTFOUFE BT UIF HSFZ TIBEFE BSFB�

"O PCTFSWBUPSZ UIBU DBO EFMJWFS UIJT TDJFODF JT EF�
TDSJCFE CZ B TFOTJUJWJUZ DVSWF XIJDI CFMPX �N)[ XJMM
CF MJNJUFE CZ BDDFMFSBUJPO OPJTF BU UIF MFWFM EFNPO�
TUSBUFE CZ -1'� *OUFSGFSPNFUSZ OPJTF EPNJOBUFT BCPWF
�N)[ XJUI SPVHIMZ FRVBM BMMPDBUJPOT GPS QIPUPO TIPU
OPJTF BOE UFDIOJDBM OPJTF TPVSDFT� 4VDI B TFOTJUJWJUZ
DBO CF BDIJFWFE XJUI B ���NJMMJPO LN BSN�MFOHUI DPO�
TUFMMBUJPO XJUI �� DN UFMFTDPQFT BOE �8 MBTFS TZTUFNT�
ćJT JT DPOTJTUFOU XJUI UIF (0"5 SFDPNNFOEBUJPOT
BOE CBTFE PO UFDIOJDBM SFBEJOFTT BMPOF B MBVODINJHIU
CF GFBTJCMF BSPVOE ����� 8F QSPQPTF BNJTTJPO MJGFUJNF
PG � ZFBST FYUFOEBCMF UP �� ZFBST GPS -*4"�

1BHF � -*4" o �� */530%6$5*0/

LISA L3 proposal

• Fully approved by ESA. Now being commissioned. NASA expressed interests 
• Amazing LISA pathfinder performance 
• The next big thing in GW astronomy
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